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Figure 1. M•– σ relation for our full sample of 72 galaxies listed in Table 3 and at http://blackhole.berkeley.edu. Brightest cluster galaxies (BCGs) that are also the
central galaxies of their clusters are plotted in green, other elliptical and S0 galaxies are plotted in red, and late-type spiral galaxies are plotted in blue. NGC 1316 is
the most luminous galaxy in the Fornax cluster, but it lies at the cluster outskirts; the green symbol here labels the central galaxy NGC 1399. M87 lies near the center
of the Virgo cluster, whereas NGC 4472 (M49) lies ∼1 Mpc to the south. The black hole masses are measured using the dynamics of masers (triangles), stars (stars), or
gas (circles). Error bars indicate 68% confidence intervals. For most of the maser galaxies, the error bars in M• are smaller than the plotted symbol. The black dotted line
shows the best-fitting power law for the entire sample: log10(M•/M⊙) = 8.32+5.64 log10(σ/200 km s−1). When early-type and late-type galaxies are fit separately, the
resulting power laws are log10(M•/M⊙) = 8.39+5.20 log10(σ/200 km s−1) for the early type (red dashed line), and log10(M•/ M⊙) = 8.07+5.06 log10(σ/200 km s−1)
for the late type (blue dot-dashed line). The plotted values of σ are derived using kinematic data over the radii rinf < r < reff .
(A color version of this figure is available in the online journal.)

(L), and stellar bulge mass (Mbulge). As reported below, our new
compilation results in a significantly steeper power law for the
M•– σ relation than in G09 and the recent investigation by B12,
who combined the previous sample of 49 black holes from G09
with a larger sample of upper limits on M• from Beifiori et al.
(2009). We still find a steeper power law than G09 or B12 when
we include these upper limits in our fit to the M•– σ relation.
We have performed a quadratic fit to M•(σ ) and find a marginal
amount of upward curvature, similar to previous investigations
(Wyithe 2006a, 2006b; G09).

Another important measurable quantity is the intrinsic or
cosmic scatter in M• for fixed galaxy properties. Quantifying the
scatter in M• is useful for identifying the tightest correlations
from which to predict M• and for testing different scenarios of
galaxy and black hole growth. In particular, models of stochastic
black hole and galaxy growth via hierarchical merging predict
decreasing scatter in M• as galaxy mass increases (e.g., Peng
2007; Jahnke & Macciò 2011). Previous empirical studies of
the black hole scaling relations have estimated the intrinsic
scatter in M• as a single value for the entire sample. Herein,
we take advantage of our larger sample to estimate the scatter
as a function of σ , L, and Mbulge.

In Section 2 we summarize our updated compilation of 72
black hole mass measurements and 35 bulge masses from dy-
namical studies. In Section 3 we present fits to the M•– σ , M•– L,
and M•– Mbulge relations and highlight subsamples that yield in-
teresting variations in the best-fit power laws. In particular, we
examine different cuts in σ , L, and Mbulge, as well as cuts based
on galaxies’ morphologies and surface brightness profiles. In
Section 4 we discuss the scatter in M• and its dependence on
σ , L, and Mbulge. In Section 5 we discuss how our analysis of
galaxy subsamples may be beneficial for various applications of
the black hole scaling relations.

Our full sample of black hole masses and galaxy properties is
available online at http://blackhole.berkeley.edu. This database
will be updated as new results are published. Investigators are
encouraged to use this online database and inform us of updates.

2. AN UPDATED BLACK HOLE AND GALAXY SAMPLE

Our full sample of 72 black hole masses and their host
galaxy properties are listed in Table 3, which appears at the
end of this paper. The corresponding M• versus σ , L, and Mbulge
are plotted in Figures 1– 3. This sample is an update of our
previous compilation of 67 dynamical black hole measurements,
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maximum likelihood (RML; e.g., Narayan & Nityananda 1986;
Wiaux et al. 2009; Thiébaut 2013). RML is a forward-modeling
approach that searches for an image that is not only consistent with
the observed data but also favors specified image properties (e.g.,
smoothness or compactness). As with CLEAN, RML methods
typically iterate between imaging and self-calibration, although
they can also be used to image directly on robust closure quantities
immune to station-based calibration errors. RMLmethods have been
extensively developed for the EHT (e.g., Honma et al. 2014;
Bouman et al. 2016; Akiyama et al. 2017; Chael et al. 2018b; see
also Paper IV).

Every imaging algorithm has a variety of free parameters
that can significantly affect the final image. We adopted a two-
stage imaging approach to control and evaluate biases in the
reconstructions from our choices of these parameters. In
the first stage, four teams worked independently to reconstruct
the first EHT images of M87* using an early engineering data
release. The teams worked without interaction to minimize
shared bias, yet each produced an image with a similar
prominent feature: a ring of diameter ∼38–44 μas with
enhanced brightness to the south (see Figure 4 in Paper IV).

In the second imaging stage, we developed three imaging
pipelines, each using a different software package and
associated methodology. Each pipeline surveyed a range of
imaging parameters, producing between ∼103 and 104 images
from different parameter combinations. We determined a “Top-
Set” of parameter combinations that both produced images of
M87* that were consistent with the observed data and that
reconstructed accurate images from synthetic data sets
corresponding to four known geometric models (ring, crescent,
filled disk, and asymmetric double source). For all pipelines,
the Top-Set images showed an asymmetric ring with a diameter
of ∼40 μas, with differences arising primarily in the effective
angular resolutions achieved by different methods.

For each pipeline, we determined the single combination of
fiducial imaging parameters out of the Top-Set that performed
best across all the synthetic data sets and for each associated
imaging methodology (see Figure 11 in Paper IV). Because the
angular resolutions of the reconstructed images vary among the
pipelines, we blurred each image with a circular Gaussian to a
common, conservative angular resolution of 20 μas. The top part
of Figure 3 shows an image of M87* on April11 obtained by
averaging the three pipelines’ blurred fiducial images. The image
is dominated by a ring with an asymmetric azimuthal profile that
is oriented at a position angle ∼170° east of north. Although the
measured position angle increases by ∼20° between the first two
days and the last two days, the image features are broadly
consistent across the different imaging methods and across all
four observing days. This is shown in the bottom part of Figure 3,
which reports the images on different days (see also Figure 15 in
Paper IV). These results are also consistent with those obtained
from visibility-domain fitting of geometric and general-relativistic
magnetohydrodynamics (GRMHD) models (Paper VI).

6. Theoretical Modeling

The appearance of M87* has been modeled successfully using
GRMHD simulations, which describe a turbulent, hot, magnetized
disk orbiting a Kerr black hole. They naturally produce a powerful
jet and can explain the broadband spectral energy distribution
observed in LLAGNs. At a wavelength of 1.3 mm, and as
observed here, the simulations also predict a shadow and an
asymmetric emission ring. The latter does not necessarily coincide

with the innermost stable circular orbit, or ISCO, and is instead
related to the lensed photon ring. To explore this scenario in great
detail, we have built a library of synthetic images (Image Library)
describing magnetized accretion flows onto black holes in GR145

(Paper V). The images themselves are produced from a library
of simulations (Simulation Library) collecting the results of
four codes solving the equations of GRMHD (Gammie et al.
2003; Saḑowski et al. 2014; Porth et al. 2017; Liska et al.
2018). The elements of the Simulation Library have been
coupled to three different general-relativistic ray-tracing and
radiative-transfer codes (GRRT, Bronzwaer et al. 2018;
Mościbrodzka & Gammie 2018; Z. Younsi et al. 2019, in
preparation). We limit ourselves to providing here a brief
description of the initial setups and the physical scenarios
explored in the simulations; see Paper V for details on both the
GRMHD and GRRT codes, which have been cross-validated

Figure 3. Top: EHT image of M87* from observations on 2017 April 11 as a
representative example of the images collected in the 2017 campaign. The
image is the average of three different imaging methods after convolving each
with a circular Gaussian kernel to give matched resolutions. The largest of the
three kernels (20 μas FWHM) is shown in the lower right. The image is shown
in units of brightness temperature, T S k2b

2
Bl= W, where S is the flux density,

λ is the observing wavelength, kB is the Boltzmann constant, and Ω is the solid
angle of the resolution element. Bottom: similar images taken over different
days showing the stability of the basic image structure and the equivalence
among different days. North is up and east is to the left.

145 More exotic spacetimes, such as dilaton black holes, boson stars, and
gravastars, have also been considered (Paper V).
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Figure 1. Photometry and combined Magellan/FIRE and Gemini/GNIRS near-infrared spectrum of the
quasar J1342+0928 at z = 7.54. The FIRE data were collected on 11–12 March 2017 for a total integration time of
3.5 h. We used the 0.600 slit in the echellete mode, yielding a spectral resolution of around 6,000 over the range
0.8�2.3 µm. The GNIRS spectrum was obtained on 31 March 2017 and 3 April 2017 with a total exposure time of
4.7 h. We used the 0.67500 slit in the cross-dispersion mode, yielding a spectral resolution of around 1,800 over the
range 0.8�2.5 µm. The spectral flux density ( fl . black line) is shown at the GNIRS resolution, binned by a factor
of two. The 1s error is shown in grey and the orange line represents the best-fitting power-law continuum emission
with fl µ l�1.58±0.02. Regions with low sky transparency between the J�H and H �Ks bands are not shown. The
red circles show the follow-up photometry obtained with the Magellan/Fourstar infrared camera. The inset shows a
Gaussian fit to the Mg II line, from which we derive a black-hole mass of 7.8⇥108

M�. The bottom panel shows the
transmission of the Fourstar J1, J, H, Ks filters (red), and the DECam zDE filter (blue); the top panel shows
1000 ⇥1000 images of the quasar in the same filters, with their respective AB magnitudes. The quasar is not detected
in the zDE image and its 3s -limiting magnitude (zDE,3s ) is reported.

7/16

Subaru High-z Exploration of Low-Luminosity Quasars (SHELLQs) X 7

Figure 1. Discovery spectra of the first set of 11 quasars, displayed in decreasing order of redshift. The object name and the
estimated redshift (and the designation “NL” for the possible quasars with narrow Lyα emission) are indicated at the top left
corner of each panel. The blue dotted lines mark the expected positions of the Lyα and N V λ1240 emission lines, given the
redshifts. The spectra were smoothed using inverse-variance weighted means over 1 – 9 pixels (depending on the signal-to-noise
ratio [S/N]), for display purposes. The bottom panel displays a sky spectrum, as a guide to the expected noise.

Subaru HSC, SHELLQs (Matsuoka et al. 2019)Most distant z=7.54 Banados et al. (2017)

Most massive M=1010Msun Wu et al. (2015)
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BH-galaxy coevolution from high-z
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Fig. 12. Black hole mass (MBH) vs host galaxy dynamical mass (Mdyn) relationship for z >
∼ 6 quasars, color-coded by their absolute UV magnitude (M1450).

The diagonal dashed line and the shaded region indicate the local MBH–Mbulge relationship and its 1σ scatter, respectively (Kormendy & Ho 2013): we

equate Mdyn and Mbulge in this plot. From this figure, it is clear that optically luminous quasars (M1450
<
∼ −25 mag) typically show overmassive MBH with

respect to the local relation. On the other hand, a large fraction of the low-luminosity (M1450
>
∼ −25 mag) quasars, including most of the HSC quasars, lie

close to, or even below, that relation. See the main text for the samples of objects shown.

However, we also found that the low-luminosity quasars

at Mdyn
<
∼ 3× 1010 M⊙ start to show overmassive MBH

with respect to the local relation. Regarding the HSC

quasars, we argue that this is still due to our selection

bias: we basically selected objects with M1450 < −24 for

the targets in our NIR follow-up observations (Onoue et al.

2019), which corresponds to MBH ∼ 108 M⊙ if it is accret-

ing at the Eddington-limit. Meanwhile, the MBH expected

at Mdyn ∼ (1−3)×1010 M⊙ from the local relation is well

smaller than 108 M⊙. Thus, given the large scatter of the

Eddington ratio distribution at z ∼ 6 (∼ 0.01− 1, Onoue

et al. 2019), we clearly need to observe much fainter objects

to surely probe the MBH < 108 M⊙ region and to reveal

the unbiased shape of the relation. Future sensitive ob-

servations with the James Webb Space Telescope (JWST)

or ground-based extremely large telescopes will allow to

probe down this very low mass region even at z > 6.

Given their low nuclear luminosities (hence mass ac-

cretion rate onto SMBHs) and SFRs, the low-luminosity

quasars studied here will not move drastically in the

MBH −Mdyn plane even over the next ∼ 10 Myr (typ-

ical life-time of high-redshift quasars expected with the

transverse proximity effect, Borisova et al. 2016), unless

there is a rich supply of gas which infalls to the galaxy.

This is particularly true if the quasar duty-cycle is <∼ 10−2

as suggested for z ∼ 6 objects recently (Chen & Gnedin

2018). Note that Izumi et al. (2018a) argued that the

four HSC quasar hosts studied in ALMA Cycle 4 are on or

even below the star formation main sequence at z∼ 6 (e.g.,

Salmon et al. 2015). This trend also holds for the Cycle

5 samples. Therefore, these low-luminosity quasars may

already be near the end of their SMBH growth and galaxy

growth, and are transforming into a quiescent phase even

at z >
∼ 6. This is consistent with the conclusion of Onoue

et al. (2019), who raised a similar argument based on the

Eddington ratio measurements for HSC quasars. If this is

true, there must be a quite rapid physical process to realize

the MBH−Mdyn relation at that high redshift, such as ex-

pected in a merger-induced evolution (e.g., Di Matteo et al.

2005; Hopkins et al. 2006, 2008). Indeed, a recent very

Subaru HSC QSOs; Izumi et al. (2019)

Overmassive BHs from the BH-gal relation 
but possibly true for the brighter end (?)

z~6

(measured by radio emission withALMA)

Kormendy & Ho (2013)109

Figure 38
Correlation betweenM• and host galaxy stellar mass (explicitly: M∗) of AGNs from z ∼ 0.1 to 7.1,
shown separately (upper left) for the bulge only and (upper right) for the entire galaxy. The dashed
line is the Häring & Rix (2004) correlation between M• and M⋆,bulge at z ∼ 0 for inactive galaxies,
which is roughly consistent with the zeropoint calibration of AGN BH masses. Dark blue points
denote hosts that are known to be ellipticals or that contain classical bulges or that are massive
enough so that they must be bulge-dominated by z ∼ 0. They obey a moderately strong correlation.
Dust-reddened quasars and other obscured AGNs appear to have preferentially undermassive BHs,
the most extreme being the submm galaxies (SMGs). Less massive hosts are mostly disk-like,
spiral galaxies at z ∼< 2; they show a larger scatter in M• −M⋆,bulge like that of pseudobulges at
z ∼ 0. (bottom) Offset of logM• with respect to the local M•−M⋆,bulge relation derived by Häring
& Rix (2004; dashed line) and here in Section 6.6 (solid line). The black points at z ≃ 0 are our
sample of (left to right) classical bulges, ellipticals, and pseudobulges with dynamically detected
BHs (Tables 2 and 3; objects are slightly offset from z = 0 for clarity). Adapted from Ho (2013).
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instability if the gravitational collapse is delayed, a process possi-
ble due to turbulence generated during the virialization of the halo.
If the thermal instability occurs, the cloud can fragment into many
smaller mass clumps instead of forming a single SMS. We therefore
simulate the collapse to determine the likelihood of the outcome be-
ing a monolithic collapse to a single star or fragmentation into a
binary or multiple member system.

2 M E T H O D O L O G Y

We performed a three-dimensional hydrodynamical simulation of
the gravitational collapse of a primordial-gas cloud using the adap-
tive mesh refinement code, ENZO (Bryan et al. 2014). Our main
purpose is to investigate the gas dynamics over a wide range
of the densities (10−21 ! ρ ! 10−7 g cm−3). The cloud initially
has a spherically symmetric density profile enhanced by a fac-
tor f (=1.6) above the critical Bonnor–Ebert (BE) distribution, an
isothermal sphere embedded in a pressurized medium and supported
in marginal hydrostatic equilibrium against gravitational collapse.
According to cosmological simulations (e.g. Wise et al. 2008), at
the centre of a first galaxy with virial temperature "104 K, forming
in an environment where the H2 formation is suppressed, a warm
(T ∼ 8000 K) cloud with ∼105 M⊙ becomes gravitationally unsta-
ble at ρ ∼ 10−20 g cm−3 and collapses. Based on this, we set the
central density and temperature of the cloud to ρc = 1.67 × 10−20 g
cm−3 and T = 8000 K, giving a mass and radius of 1.17 × 105 M⊙
and 10.8 pc, respectively. Although we here do not impose an exter-
nal FUV radiation, H2 is collisionally dissociated for ρ " 10−20 g
cm−3 and T " 6000 K. Note that we neglect the dark-matter grav-
ity since the cloud is already bound by the self-gravity of its gas.
Our simulation box size is (50 pc)3 and refinement is controlled by
insisting that one Jeans length is resolved by at least 64 grid cells
(e.g. Turk et al. 2012). Under this condition, the simulation uses 23
out of the allowed 25 refinement levels, ensuring we are resolved
by the above criteria at all times and giving a limiting resolution of
!0.1 au.

The development of turbulence in the central region of forming
first galaxies has been suggested by numerical simulations (e.g.
Wise & Abel 2007; Greif et al. 2008). In the initial phase of col-
lapse with ∼10−20 g cm−3, the turbulence is still subsonic in the
cloud. To consider the density and velocity perturbations due to the
turbulence, we initially impose a subsonic velocity field (the root
mean square of the velocity is set to 0.1cs) with power spectrum
P(k) ∝ k−4, which corresponds to the so-called Larson’s law for
the contemporary star-forming regions (Larson 1981). To ensure
that the turbulence is adequately resolved, we select the maximum
k-mode value of 1/10 of the number of cells across the cloud.

We consider the non-equilibrium primordial chemistry of 9
species (H, H2, e−, H+, H+

2 , H−, He, He+, and He++) and 13 hy-
drogen reactions selected to reproduce the correct thermal/chemical
evolution of the warm atomic-cooling cloud (reactions 3, 4, 7−10,
12, 15−18, 28, and 32 in table 2 of Omukai 2001). We adopt
the reaction rate coefficients updated by the following studies: 7–
10 (Coppola et al. 2011), 15 (Martin, Schwarz & Mandy 1996),
17 (Stibbe & Tennyson 1999), and 28 (Ferland et al. 1992). The
four helium reactions originally included in ENZO are also present,
although they are not relevant in our calculation. We initially as-
sume a uniform distribution of ionization degree with 10−4 and H2

molecular fraction with 10−7, respectively (e.g. Shang et al. 2010).
At high density, the chemical reactions proceed faster than the cloud
collapse and chemical equilibrium is achieved. To smoothly con-
nect the non-equilibrium chemistry to that of equilibrium, we solve

the chemical network including both the forward and reverse re-
actions for dominant processes. To solve the chemistry equations,
we employ the piecewise exact solution method (Inoue & Inutsuka
2008) instead of the original ENZO solver, which cannot follow the
chemical evolution with high enough density to reach the chemical
equilibrium. For the radiative cooling, we consider atomic cool-
ing (H Lyα, two-photon emission, and H− free–bound, free–free
emission) and H2 cooling (rovibrational line and collision-induced
emission). We also include the suppression of the cooling rate in the
optically thick case by using the optical depth estimated as ρκLc

(e.g. Omukai 2001; Shang et al. 2010), where κ includes the H2-line
opacity and the Rosseland mean opacity considering the H Rayleigh
scattering, the H2 collision-induced absorption, and the H− bound-
free and free–free absorption, and Lc the size of the central core,
which is approximately given by the Jeans length for the spherically
symmetric cloud in the runaway collapse. Finally, note that we do
not include the heating/cooling associated with the chemical reac-
tions because their effect is negligible during the thermal evolution
of the atomic-cooling clouds.

3 R ESULTS

Fig. 1 shows the density distribution at the end of the simulation,
where the central density reaches ∼10−7 g cm−3, for four different
spatial scales; from the top-left clockwise, large-scale gas distri-
bution (∼1 pc), the collapsing core (∼0.1 pc), the central ∼100 au
region, and the protostar formed at the centre (∼10 au). The central
portion of the cloud undergoes the runaway collapse. The turbu-
lence forms filamentary structures that channel material into the
central region (ρ ∼ 10−8 g cm−3), feeding the protostar. The left-
bottom panel presents the density distribution around the protostar.
At the end of this simulation, the protostellar mass reaches ≃1 M⊙
and its radius ≃2 au. These values are consistent with the result
of the stellar-structure calculation by Hosokawa et al. (2012), who
assumed a steady and spherical accretion.

Fig. 2 shows the evolution of mass-weighted radial profiles of
(a) density, (b) temperature, and (c) H2 fraction. During collapse,

Figure 1. Density distribution in the plane through the density peak for
four spatial scales: from top-left, clockwise: the large-scale gas distribu-
tion (∼1 pc), a collapsing core by the H− free–bound continuum cooling
(∼0.1 pc), the central region around the protostar (∼100 au), and the final
protostar (∼10 au).
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Formation channels of early BHs
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The mass of seed BHs would depend on the environments
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Figure 3
Formation pathways of seed BHs in early protogalaxies: ●1 Pop III remnant BHs with a mass ofM• ≈ 101–2 M!, ●2 massive seed BHs
withM• ≈ 105–6 M! in ACHs under peculiar conditions such as strong LW radiation ( JLW > Jcrit), high baryon-DM streaming
velocity, and rapid mergers of DM halos, and ●3 relatively massive seeds withM• ≈ 103–4 M! via runaway collisions in ultradense stellar
clusters. ●4 Hyper-Eddington accretion onto stellar-mass BHs (Ṁ• ≫ ṀEdd) would effectively result in a massive seed at the center of a
dense pristine gas cloud. Abbreviations: ACH, atomic-cooling halo; BH, black hole; DM, dark matter; GW, gravitational wave; LW,
Lyman–Werner; Pop III, Population III; SMS, supermassive star.

motivated by the natural availability of stellar-mass BHs in the early Universe, left behind by
the first generation of stars. As we argue, it is possible for BHs to grow at highly super-Eddington
rates, which represents one of the pathways for rapid BH assembly in the early Universe. These
pathways are illustrated in Figure 3, along with other possibilities that will be discussed in the
sections below. However, we emphasize that no self-consistent calculation to date has included all
the necessary multi-scale physics and followed the BH growth over several orders of magnitude
in mass.We first focus on the basic underlying physics (Section 3.1) and then discuss applications
to the high-z Universe (Section 3.2 and Section 3.3).

For convenience, Figure 4 illustrates the structure of accretion flows onto a BH embedded in
a protogalaxy. The characteristic physical scales and mechanisms relevant to the discussions below
are listed in Table 3 (with their definitions and fiducial values).

3.1. Growing Black Holes by Accretion: Is There an Eddington Limit?
Assuming that high-z SMBHs grow mostly via rapid gas accretion and radiate ∼10% of the rest
mass energy of accretingmatter, as low-z quasars do on average (Soltan 1982,Yu&Tremaine 2002,
Ueda et al. 2003), the outward radiation pressure force on the infalling gas, through electron scat-
tering, matches the inward gravitational force at the critical accretion rate of ṀEdd ≡10 LEdd/c2,
where LEdd = 4π cGM•/κes is the Eddington luminosity.3 If accretion is limited to this rate, the

3This definition includes a fiducial factor of 10, which assumes a radiative efficiency of 10%.We employ this
definition throughout this review, but we caution the reader that an equally common definition in the literature
is ṀEdd ≡LEdd/c2, i.e., excluding this factor.
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Basics of star formation
・suppose a spherically symmetric system

gas self-gravity

ggas = 1
ρ

dp
dr

pressure-grad. force

ggrav = GMr

r2

∼ Gρr ∼ c2
s r−1

Cloud collapse conditions ggrav ≳ ggas

r ≳ λJ ∼ cs
(Gρ)1/2 “Jeans length”∝ T1/2ρ−1/2



・suppose a spherically symmetric system

gas self-gravity

ggas = 1
ρ

dp
dr

pressure-grad. force

ggrav = GMr

r2

∼ Gρr ∼ c2
s r−1

Cloud collapse conditions ggrav ≳ ggas

“Jeans mass”M ≳ MJ ≡ ρλ3
J ∝ T3/2ρ−1/2

Basics of star formation



·M ∼ MJ
tff

≃ c3
s

G

・mass inflow rate in collapsing gas

∝ T3/2

“Warmer” gas hardly collapses by its self-gravity, 
but once it happens, the inflow rate becomes higher

tff ∼ (Gρ)−1/2

if highly turbulent…

ceff = (c2
s + v2

tur)1/2 ≫ cs

Basics of star formation
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Temperature evolution of a metal-free gas cloud, irradiated by LW radiation with three di↵erent
intensities (blue and red curves), based on a spherical collapse one-zone model assuming a free-fall
density evolution. With a weak LW intensity (JLW < Jcrit), which dissociates H2 only at lower
densities, gravitational collapse of the cloud is led by H2 cooling toward higher densities. With a
su�ciently high LW intensity (JLW > Jcrit), which keeps H2 dissociated until the gas enters into a
dense and hot region (‘zone of no return’; purple line), the cloud collapses nearly isothermally at
T ⇡ 5000 K without rapid cooling phases (red curve). Black curves show the evolution of metal-
and dust-polluted gas with Z/Z� = 10�4 and 10�5 leading to a rapid temperature drop due to
dust thermal emission. In such a rapid cooling phase, the gas is likely to fragment into small
clumps, whose masses are approximately the value of the Jeans mass (dotted diagonal lines) at
the temperature minimum. This figure is based on data from Omukai et al. (2008).

if atomic cooling processes (e.g., Ly↵ emission) induce gravitational collapse of gas with a

suppressed H2-abundance (red curve in Figure 7).

As discussed below, these two conditions are fully satisfied only in rare special environ-

ments, such as ACHs exposed to strong LW irradiation by close neighbors, heating through

rapid halo mergers, or located in regions with an unusually high baryon streaming velocity.

This rarity is qualitatively consistent with the fact that SMBHs observed at high redshifts

are hosted in rare, very massive galaxies. On the other hand, even if the requirements are

not achieved perfectly, relatively lower-mass but still massive seeds would form in the IMBH

range (102 � 104 M�). These IMBH seeds could be abundant and have a significant contri-

bution to the overall mass density of the high-z BH population. In addition, the host halos

of the high-z quasars formed in highly unrepresentative regions of the universe, requiring

⇠ 5� fluctuations on 1012�13M� scales. These special environments may conspire to meet

the requirements of massive seed formation and also enable their subsequent growth to the

SMBHs regime. Indeed, we expect that only a small minority of massive seeds are born

in regions which evolve to massive ⇠ 1012 M� galaxies by z ⇡ 6 – the others follow minor

branches of the galaxy merger history and remain lower-mass BHs in lower-mass galaxies

or in satellite galaxies (Valiante et al. 2016).

In summary, massive seed BHs are expected to result from the near-isothermal collapse

of a gravitationally unstable massive gas cloud at a temperature of T ⇡ 104 K, which

produces a high mass accretion rate onto the central object and avoids major episodes of gas

30 Inayoshi et al.

KI, Visbal & Haiman (2020) ARA&A
data from Omukai et al. (2008)
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range (102 � 104 M�). These IMBH seeds could be abundant and have a significant contri-

bution to the overall mass density of the high-z BH population. In addition, the host halos

of the high-z quasars formed in highly unrepresentative regions of the universe, requiring

⇠ 5� fluctuations on 1012�13M� scales. These special environments may conspire to meet

the requirements of massive seed formation and also enable their subsequent growth to the

SMBHs regime. Indeed, we expect that only a small minority of massive seeds are born

in regions which evolve to massive ⇠ 1012 M� galaxies by z ⇡ 6 – the others follow minor

branches of the galaxy merger history and remain lower-mass BHs in lower-mass galaxies

or in satellite galaxies (Valiante et al. 2016).

In summary, massive seed BHs are expected to result from the near-isothermal collapse
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No fragments / high Mdot!

・no/weak fragmentation
・high accretion rate

massive seed BHs

0.5 pc 500AU

500AU500AU

gravitational collapse accretion disk 
Figure 10

Distribution of gas density in an ACH in which H2 cooling is suppressed by strong LW radiation
with JLW ⇠> Jcrit. The results on the left (Becerra et al. 2015) and right (Regan et al. 2014a)
panels are from two di↵erent simulations, which overall find a similar behavior. The central
collapsing region does not undergo a major episode of fragmentation despite the complex flow
structure caused by turbulence (left panels, down the few 1000 AU scales, and panel labeled
“0.5pc” on the right). However, eventually a disk forms (panels labeled “100 au” on the left and
“500AU” on the right), which accretes at a high rate, becomes gravitationally unstable and soon
fragments into clumps (best seen in the right panels). The fragments are found to migrate quickly
toward the center and are expected to coagulate to form a single supermassive star (see text).

sal value (Abel et al. 2002, Yoshida et al. 2008). This stage is illustrated in the left panels

of Figure 10, down to ⇠ 1000 AU, as well as the first panel (labeled 0.5pc) on the right.

Subsequently, when the bulk of the envelope mass is accreting onto the central region and

protostar, they are reminded of their initial and boundary conditions. The infalling matter

forms a compact accretion disk, surrounding a central embryonic protostar, but first still

without undergoing a major episode of fragmentation (see the bottom row in the left panel

of Figure 10). Because of the high accretion rate (> 0.1 M� yr�1), the disk, however,

soon becomes massive enough to be unstable under its self-gravity, and is likely to fragment

into smaller clumps even when H2 cooling does not play an important role (see the three

panels labeled “500 AU” on the right in Figure 10).

Numerical limitations have precluded following the subsequent evolution for longer than

⇠200 years after this stage (Regan et al. 2014a). Inayoshi & Haiman (2014) discussed the

evolution of clumps in the disk with an analytical model, taking into account the growth

of clumps via accretion and inward migration. The clumps can rapidly migrate inward on

a timescale of ⇠ 104�5 yr, which is shorter than the internal Kelvin-Helmholtz timescale

in the clumps. Therefore, most of the clumps can merge with the central protostar before

forming massive stars. The clumpy structure of the disk at a high accretion rate provides

episodic burst-like accretion, a↵ecting the protostellar evolution (Sakurai et al. 2016b).

5.3.2. Growth of a rapidly accreting protostar. What is the fate of the protostar surrounded

by unlimited amounts of gas? Theoretically, such a rapidly accreting protostar is expected to

evolve into an SMS, for which the entropy input by rapid accretion and energy generation by

40 Inayoshi et al.

Becerra et al. (2015) Regan et al. (2014)
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exceeds ∼ 105 M⊙, the SMS collapses to a BH by the general relativistic instability (e.g.,

Chandrasekhar 1964).

4 CONCLUSION AND DISCUSSION

We have performed numerical simulation of the collapse of a massive (! 105 M⊙) and warm

(∼ 8000 K) primordial gas cloud. We have found that the cloud collapses almost isothermally

by the H atomic cooling and does not experience major episode of fragmentation despite

with turbulence. Finally, a small protostar with mass ∼ 0.2 M⊙ is formed when the central

part becomes optically thick to the continuum at ρ ! 10−8 g cm−3.

The formed protostar grows via rapid accretion of the dense filamentary flows at an ap-

proximately constant rate ∼ 2 M⊙ yr−1. In cases with accretion rate higher than 10−2 M⊙ yr−1

(dashed line in Figure 6), the protostar is known to develop giant-like structure (“super-

giant” protostar) with a bloated stellar envelope and contracting central core (Hosokawa et

al. 2012, 2013). Since the effective temperature of such a supergiant protostar is " 104 K,

UV feedback is unlikely to prevent the mass accretion onto the star. Although a supergiant
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Figure 1. Schematic view showing the locations of the spherical and the filamentary clouds. The clouds are taken from a large-scale
cosmological simulation with the box size of 20 h�1Mpc on a side. In our previous study Chon et al. (2016), the cloud evolution has
been followed until the central density reaches 108 cm�3 during the early run-away collapse. We further follow the subsequent long-term
evolution of the protostellar accretion for ⇠ 0.1 Myr in this paper.

also important in the later accretion phase of the collapsing
clouds.

2.2 Chemistry

We include 9 primordial species (e�, H, H+, He, He+, He2+,
H2, H

+

2
, and H�) and solve the chemical reaction and the

energy equation considering cooling process (Yoshida et al.
2003). Here, we omit the HD chemistry because the cloud
temperature is so high that the abundance of species includ-
ing deuterium is negligible.

We include an external radiation field which dissoci-
ates H2 and H�. The external LW intensity is set to be
the value obtained by our semi-analytic calculation in Chon
et al. (2016). The intensities are 5000 (filamentary) and

1000 (spherical cloud) in units of J21 and almost constant
throughout the calculation. We assume that the radiation
spectrum is described by a 104 K black body as in Chon
et al. (2016). We do not consider attenuation of LW radia-
tion by the gas self-shielding since H2 is mainly dissociated
by the collision with H atom (Section 5.3). We do not con-
sider the ionizing radiation from the nearby massive galaxy
since it is attenuated by the intergalactic matter and by the
cloud envelope (Chon & Latif 2017).

Once protostars are formed, we also consider the lo-
cal radiation feedback originating from them. We imple-
ment only the local ionizing radiation which ionizes hydro-
gen atoms by using a ray-tracing scheme (Section 2.5). The
local LW radiation is not included in our calculations for the
following two reasons; the intensity of the local LW radia-

MNRAS 000, 1–?? (2016)

Chon, Hosokawa & Yoshida (2018)

Fig. 1. Large-scale density distribution and the structure around an accreting protostar.

(A) Projected density distribution of dark-matter component around the star-forming cloud at
redshift z = 30.5 in Run-B. The box size is 2500 parsec (pc) on a side. The virial mass of
the main dark matter halo located at the center is 2.2 ⇥ 107 M�. (B to D) Projected density
distribution of the gas component in regions of 2500, 100, and 10 pc on a side, from left to
right. The horizontal arrow in (B) shows the direction of the initial supersonic gas stream. The
dashed circle in (D) indicates the Jeans length, within which the cloud is gravitationally unstable
given its mass of 26,000M�. (E to H) Evolution of the temperature and density structure in the
protostellar accretion phase after the protostar formation. Colored in white, red, and magenta
are the iso-contours of gas density (at 106, 105, and 3 ⇥ 104 cm�3), photoionized hydrogen
abundance with � 50% (H II region), and the number fraction of hydrogen molecules with
� 0.2%.

10

Hirano et al. (2017)

Bromm & Loeb 2003; Shang +2010; Latif +2013; Johnson +(2013); Regan +2014; Inayoshi +2014; Sugimura 
+ 2014; Visbal +2015; Latif +2016; Chon+2016; Hirano+2018; Inayoshi+2018; Wise +2019; Luo+2019 etc…
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also important in the later accretion phase of the collapsing
clouds.
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We include 9 primordial species (e�, H, H+, He, He+, He2+,
H2, H

+

2
, and H�) and solve the chemical reaction and the

energy equation considering cooling process (Yoshida et al.
2003). Here, we omit the HD chemistry because the cloud
temperature is so high that the abundance of species includ-
ing deuterium is negligible.

We include an external radiation field which dissoci-
ates H2 and H�. The external LW intensity is set to be
the value obtained by our semi-analytic calculation in Chon
et al. (2016). The intensities are 5000 (filamentary) and

1000 (spherical cloud) in units of J21 and almost constant
throughout the calculation. We assume that the radiation
spectrum is described by a 104 K black body as in Chon
et al. (2016). We do not consider attenuation of LW radia-
tion by the gas self-shielding since H2 is mainly dissociated
by the collision with H atom (Section 5.3). We do not con-
sider the ionizing radiation from the nearby massive galaxy
since it is attenuated by the intergalactic matter and by the
cloud envelope (Chon & Latif 2017).

Once protostars are formed, we also consider the lo-
cal radiation feedback originating from them. We imple-
ment only the local ionizing radiation which ionizes hydro-
gen atoms by using a ray-tracing scheme (Section 2.5). The
local LW radiation is not included in our calculations for the
following two reasons; the intensity of the local LW radia-

MNRAS 000, 1–?? (2016)

Chon, Hosokawa & Yoshida (2018)

Fig. 1. Large-scale density distribution and the structure around an accreting protostar.

(A) Projected density distribution of dark-matter component around the star-forming cloud at
redshift z = 30.5 in Run-B. The box size is 2500 parsec (pc) on a side. The virial mass of
the main dark matter halo located at the center is 2.2 ⇥ 107 M�. (B to D) Projected density
distribution of the gas component in regions of 2500, 100, and 10 pc on a side, from left to
right. The horizontal arrow in (B) shows the direction of the initial supersonic gas stream. The
dashed circle in (D) indicates the Jeans length, within which the cloud is gravitationally unstable
given its mass of 26,000M�. (E to H) Evolution of the temperature and density structure in the
protostellar accretion phase after the protostar formation. Colored in white, red, and magenta
are the iso-contours of gas density (at 106, 105, and 3 ⇥ 104 cm�3), photoionized hydrogen
abundance with � 50% (H II region), and the number fraction of hydrogen molecules with
� 0.2%.
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Figure 1. Merger history of the main progenitors of a high-z
quasar host galaxy with a DM halo mass ofMh = 1012 M� at
z = 6. For a reference, the median halo mass among all the
104 trees is shown with the red curve. Three representative
merger trees (in terms of growth speed) are highlighted with
the blue, orange, and green curves (tree id = 1, 2, and 3).
The dotted curves indicate constant virial temperatures, the
values of which are denoted by numbers in the figure.

We consider the evolution of thermal and kinetic en-
ergy of the gas by solving the two energy equations:

deth

dt
= �mrg,th + �comp � Lchem � Lrad, (19)

where Lchem is the cooling/heating rate associated with
chemical reactions, and Lrad is the radiative cooling rate
(note that all the rates are in units of erg s�1 g�1).
While the compressional heating rate is included only
in the collapse stage, the other e↵ects are taken into
account to calculate the gas temperature over the three
evolutionary stages. The cooling term includes radiative
cooling by H, He, He+, and He++ (Glover & Jappsen
2007), H2 (Glover & Abel 2008; Glover 2015a,b), and
cooling/heating associated with chemical reactions.
We solve the chemical reactions of primordial gas

among the following 9 species; H, H2, e�, H+, H+
2 ,

H�, He, He+, and He++. In Table. 1, we show the 35
reaction rate coe�cients adopted in this work. In terms
of photodissociation of H2, H� and H+

2 by external radi-
ation emitted from nearby star forming galaxies, the re-
action rate is calculated by assuming the radiation spec-
tral energy distribution (SED) to be a blackbody spectra
with Trad = 2 ⇥ 104 K. The SED model approximates
more realistic spectra of observed metal-poor star form-
ing galaxies (Inoue 2011). The dissociation rates are
calculated by a convolution with the cross section of the

Figure 2. Time evolution of LW radiation intensity JLW

(in units of 10�21 erg s�1 cm�2 Hz�1 sr�1) exposing to the
quasar progenitors for the four cases shown in Fig. 1. For
the median tree, we show two cases where the metal-bubble
size rs is calculated as described in §2.2 (solid) and the twice
of the fiducial value is adopted (dashed).

i-th chemical species (i = H2, H�, and H+
2 ) as

ki,pd =

Z 1

0

4⇡J(⌫)

h⌫
�i(⌫)d⌫. (20)

The cross sections we adopt are also listed in Table. 1.

3. RESULTS

3.1. Merger history & evolution of LW radiation

background

In Fig. 1, we show the evolution of the main progen-
itors, i.e., the most massive halos at each epoch, for all
the 104 merger trees that grow to Mh = 1012 M� at
z = 6. In such over-dense regions of the universe, the
DM halo mass increases via rapid mergers. The me-
dian halo mass (dashed curve) reaches Mh ' 8 ⇥ 1010,
6 ⇥ 108, 2 ⇥ 107, and 8 ⇥ 105 M� at z = 10, 20,
30, and 40, respectively, and the virial temperature ex-
ceeds the atomic-cooling threshold of Tvir ' 104 K at
z ' 34. Therefore, the gas cloud concentrated in the
massive halo collapses at an epoch earlier than when
typical first-galaxies would form in atomic-cooling ha-
los (Mh ' 107 M� at z ' 10; see Bromm & Yoshida
2011), which are usually considered to be massive seed
forming sites in most previous studies (e.g., Dijkstra
et al. 2014). For illustration purposes, we highlight three
merger trees: the blue (id 1, a less massive tree), orange
(id 2, a tree comparable to the median evolution), and
green curve (id 3, a more massive tree). In the following

QSO host galaxies (>3σ)

typical galaxies (~2σ)
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Figure 6. Distributions of the halo virial temperature Tvir (upper panels) and LW intensity JLW (middle panels) measured at
the epochs when gas clouds become gravitationally unstable for the cases with di↵erent vbsm values. The lower panels show the
mass accretion rate of Ṁ? ⌘ c3e↵/G measured at the minimum temperature point at ngas > 103cm�3 in the collapsing stage.
Overall, with vbsm � 1�, nearly all the cases enter the atomic-cooling stage in massive halos with Tvir > 104 K irradiated by
LW radiation with intensity of JLW > 10. Since the collapsing clouds are massive, high accretion rates become high enough
(Ṁ & 0.1 M� yr�1) to form massive seed BHs.

its cooling reduces the gas temperature in the low- and
intermediate-mass cases.

3.3. The statistical properties of the high-z quasar

progenitors

As noted in §3.2 and Fig. 4, depending on the main
cooling processes inducing star formation, the evolution-
ary tracks of the gas clouds embedded in the main pro-
genitors of high-z quasar hosts are classified into three
cases: (i) H2 cooling, (ii) initial H Ly↵ cooling fol-

lowed by H2 cooling after a short isothermal collapse,
(iii) H Ly↵ cooling when temperature is kept above
8000 K by compression along a wide density range. In
Fig. 5, we present the number count of merger trees
for the three types with di↵erent baryonic streaming
velocities, denoted as (i) H2, (ii) H-H2, and (iii) H-H.
Without the streaming velocity, 74% of the trees expe-
rience gas collapse via H2 cooling, while the rest (26%)
form atomically-cooling gas clouds (cases H-H2 and H-
H). With non-zero streaming motion (vbsm 6= 0), nearly
all cases enter the atomic-cooling stage because the halo
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progenitors

As noted in §3.2 and Fig. 4, depending on the main
cooling processes inducing star formation, the evolution-
ary tracks of the gas clouds embedded in the main pro-
genitors of high-z quasar hosts are classified into three
cases: (i) H2 cooling, (ii) initial H Ly↵ cooling fol-

lowed by H2 cooling after a short isothermal collapse,
(iii) H Ly↵ cooling when temperature is kept above
8000 K by compression along a wide density range. In
Fig. 5, we present the number count of merger trees
for the three types with di↵erent baryonic streaming
velocities, denoted as (i) H2, (ii) H-H2, and (iii) H-H.
Without the streaming velocity, 74% of the trees expe-
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form atomically-cooling gas clouds (cases H-H2 and H-
H). With non-zero streaming motion (vbsm 6= 0), nearly
all cases enter the atomic-cooling stage because the halo

 

 

 Li, KI & Qiu (2021a)

fra
ct

io
n

fra
ct

io
n

Strong LW irradiation & merger heating lead to 
high accretion rates (>0.1Msun/yr) in QSO hosts

typical galaxies



Seed formation in QSO hosts
 Li, KI, Qiu & Toyouchi (2021b)

BH mass (Msun)

Willott et al. (2010) 
+extrapolation to lower M

?

Looking forward to  
Onoue et al. (2022?)



10 (Msun)100 105 106

# 
of

 B
H

s 
pe

r 
vo

lu
m

e
(Seed) BH mass function

PopIII BHs DCBHs

PopIII BHs:   
most abundant, normal environments

IMBHs & DCBHs:  
less abundant, rare environments 
note: 1-10 Gpc-3 for high-z QSOs

IMBHs



BH accretion in multi-scales
The Astrophysical Journal, 736:2 (18pp), 2011 July 20 Ohsuga & Mineshige

Model A Model B Model C

lo
g

ρ/
ρ 0

-6
   

   
   

   
   

   
   

   
   

-1

lo
g

ρ/
ρ 0

-6
   

   
   

   
   

   
   

   
   

-1

lo
g

ρ/
ρ 0

-6
   

   
   

   
   

   
   

   
   

-1

25RS

Figure 2. Perspective view of inflow and outflow patterns near the black hole for models A, B, and C, from left to right, respectively. Also plotted are normalized
density distributions (color) and streamlines, which are time-averaged over 6–7 s for models A and C and over 9–10 s for model B.
(A color version of this figure is available in the online journal.)

the flow is heated. Thus, the initial torus also expands in the
vertical direction. The resulting density distribution at t = 1 s
is shown in the bottom panel of Figure 1. Here, 512 × 512 grids
(the grid spacing is 0.2 RS) are used. We have confirmed that the
resulting density distribution does not change by a lot even if we
employ smaller mesh spacings, ∆r = ∆z = 0.1 RS (1024 × 512
grids). Assigning the density normalization and setting the
radiation temperature to be 104 K in the whole region, we start
the RMHD simulations from the resulting structure given by
the prelusive MHD calculations and continue performing them
until t ∼ 10 s.

3.7. Mass Accretion Rates, Outflow Rates, and Luminosities

The mass accretion rate is calculated at the inner boundary at
r = 2 RS by

Ṁacc = −2
! 2 RS

0
2πrρvrdz, (22)

which is the mass passing through the inner boundary per unit
time. The photon luminosity is calculated by

Lph = 2
! rc1

2RS

2πr
"
Fz

0 + vzE0
#
dr, (23)

at the height of z = zc. The values of (rc1, zc) are carefully
chosen so as not to include the contribution from the initial
torus. We, hence, set (rc1, zc) = (25 RS, 60 RS) for model A,
(30 RS, 30 RS) for model B, and (60 RS, 60 RS) for model C. In
model C we employ relatively larger rc1(= 60 RS); however, the
contribution to the total emission from the outer region is very
small, since the density is very small there. The mass outflow
rate and the kinetic luminosity are also calculated at z = zc as

Ṁout = 2
! rc2

2RS

2πrρvzH (vR − vesc) dr, (24)

Lkin = 2
! rc2

2RS

2πr

$
1
2
ρv2

R

%
vzH (vR − vesc) dr, (25)

where H is the Heaviside step function; i.e., H (x) = 1 for
x ! 0 and H (x) = 0 for x < 0, and vR[≡ vr (r/R) +

vz(z/R)] is the R-component of the velocity. We employ
(rc2, zc) = (60 RS, 60 RS) for models A and C, and (rc2, zc) =
(30 RS, 30 RS) for model B. That is, in the present study Ṁout
and Lkin indicate the mass and kinetic energy transported upward
only by the high-velocity outflow (vR > vesc) per unit time. In
addition, we plot the luminosity of the trapped radiation, which
is evaluated by

Ltrap = −2
! 2RS

0
2πr

"
F r

0 + vrE0
#
dz, (26)

with r = 2 RS. It implies the radiation energy swallowed by the
black hole per unit time.

4. RESULTS

We first give an overview of the simulation results in
Section 4.1 and then provide more detailed information in
Sections 4.2–4.4 for models A, B, and C, respectively.

4.1. Overview of Simulated Flows

The overall flow structures obtained by our RMHD simula-
tions can be summarized in Figures 2–4. We first show perspec-
tive views of the simulated flows in models A−C in Figure 2.
Here, the color contours indicate the distributions of normalized
density, ρ/ρ0, time-averaged over 6–7 s for models A and C and
over 9–10 s for model B. We find that a geometrically thick
disk forms in models A and C, while a geometrically thin disk
forms in model B. The streamlines indicated by the thick lines
are overlaid in this figure. We find in all models that the gas
near the equatorial plane is on a quasi-circular orbit around the
central black hole, whereas the gas away from the equatorial
plane shows helical and outflowing motion. The helical motion
means that the outflow material possesses a substantial amount
of angular momenta.

The different dynamical properties of accretion flows in the
three models are more quantitatively shown in Figure 3. In the
top panel of the figure, we plot the normalized mass accretion
rate, Ṁacc/(LE/c2); mass outflow rate, Ṁout/(LE/c2); photon
luminosity, Lph/LE; kinetic luminosity, Lkin/LE; and trapping
luminosity, Ltrap/LE. We also plot Lkin/Lph, Ltrap/Lph, and
Ṁout/Ṁacc in the bottom panel. They are time-averaged over
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Nuclear disk: ~ 1 mpc Galaxy scale: ~kpc

(e.g., Illustris, EAGLE, FIRE)

?

Q. How can we connect the two different scales?

A. Construct the global accretion solution including 
     the BH influence radii (1-100pc) !

(e.g., Ohsuga et al. 2009)
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Figure 5

Summary of theoretical results for radiative luminosity vs. BH accretion rate. In the analytical,
“slim-disk” model assuming a pseudo-Newtonian potential (Watarai et al. 2000; red) or taking
into account the GR e↵ect around a BH with a spin of a• (Sa̧dowski et al. 2015; orange), the
radiative luminosity gradually increases as L / ln(ṁ) at high rates. Simulation results are shown
by green circles (RHD; Ohsuga et al. 2005) for metallicities Z = 0 (filled) and Z = Z� (open),
blue triangles (GRRMHD; Sa̧dowski et al. 2015) for a• = 0 (open) and 0.9 (filled), and magenta
squares (RMHD; Jiang et al. 2014, 2019) for stellar-mass BH (filled) and SMBH/AGN (open). For
a highly magnetized accretion disk around a rapidly spinning BH a• = 0.9 (inverted triangle), the
disk transits into a magnetically arrested disk (MAD) state, producing higher radiative luminosity
but with a lower e�ciency. Metallicity and BH spin both impact the structure of the flow, via
opacity and radiative e�ciency near the BH, respectively. These simulations find self-consistent
super-Eddington accretion on small scales with lower values of the radiative e�ciency below 10%
(thick dashed), but are numerically limited to model only short durations and small scales. In the
shaded region, hyper-Eddington accretion from the BH sphere of influence RB would be realized
and sustained, because radiative feedback does not suppress the inflow (Rion ⇠< RB). The e�cient
growth phase can stably exist unless the outward momentum L/c dominates the inward ram
pressure of the rapidly accreting gas (black solid).

decade, RHD simulations including magnetic fields (RMHD) and general relativistic e↵ects

(GRRMHD) have revealed the properties of rapidly accreting gas within a few 100 RSch of

the BH (Ohsuga et al. 2005, Jiang et al. 2014, McKinney et al. 2014, Fragile et al. 2014,

McKinney et al. 2015, Sa̧dowski et al. 2015, Takahashi & Ohsuga 2015). The radiative

e�ciency modestly decreases with the accretion rate down to ✏ ⇡ 1� 5% at 3 ⇠< ṁ ⇠< 150.

The numerical results are overall qualitatively consistent with the analytical model, but

have some discrepancies. In fact, the e�ciency of photon trapping is significantly reduced

due to non-inflowing gas motion caused by radiation pressure and magnetic buoyancy (Jiang

et al. 2014), which are not taken into account in the analytical models. Importantly, the

radiative e�ciency obtained in simulations with approximate numerical algorithms for ra-

diative transfer that impose local closure relations between the radiation pressure tensor

and radiation energy density, such as the flux-limited di↵usion (FLD; green) or the so-called

16 Inayoshi et al.
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larger around the equatorial plane (jzjP10rg) than at large al-
titudes (jzjk 10rg) in the outer region, Rk100rg. This reflects
that the injected mass accretes along the equatorial plane. On
the other hand, the viscous accretion disk forms inside rP 100rg.
We focus on the viscous accretion flows in the present study. The
situation is apparently similar to that studied byChakrabarti (1996),
although they were concerned with subcritical flow, and their
study did not use multidimensional or radiation-hydrodynamic
simulations.

Figure 5 shows the two-dimensional distributions of radia-
tion energy density (top left), the ratio of the radiation energy
to the internal energy of gas (top right), the gas temperature
(bottom left), and the radial velocity normalized by the escape
velocity (bottom right) on the R-z plane. As shown in the top left
panel, the radiation energy distribution roughly coincides with
the gas density distribution. That is, the radiation energy tends
to be larger around the equatorial plane than that around the ro-
tation axis. Since the radiation energy distribution is smoothed
due to the radiative diffusion within the disk, there is no cavity
found in the radiation energy distribution, which makes a marked
difference from the density distribution (see Fig. 3).

Radiation energy greatly exceeds the gas energy in the entire
region, including the outflow region in our simulations (Fig. 5,
top right). This confirms that most of the region is radiation
pressure dominated and that strong radiation pressure supports
the geometrically thick disk and drives the outflow.

The gas temperature distribution shown in the bottom left
panel shows relatively low temperatures in the disk region,
compared with those in the outflow region, although the viscous
heating rate is much larger in the former than in the latter. This
can be understood, because radiative cooling is more effective
in a dense region as a consequence of its strong density de-
pendence. The gas in the disk region is heated up by the viscous

heating, and the processed energy is effectively converted into
the radiation energy. Therefore, gas temperature does not rise so
much within the disk. Conversely, the gas cannot emit effec-
tively in the outflow region, since both free-free emissivity and
bound-free emissivity are more sensitive to the density than the
gas temperature, /!2T1/2. It can be understood by the compar-
ison between the bottom left and the top right panels. The radi-
ation temperature (/E1=4

0 ) in the outflow region is lower than
that in the disk region, contrary to the gas temperature profile.

The bottom right panel indicates the radial velocity nor-
malized by the escape velocity. The gas moves toward the black
hole or flows outward slowly in the disk regions (Fig. 5, blue
area). The white color indicates that the velocity exceeds the
escape velocity in this area. It is found that the gas is accelerated
through the radiation pressure and is blown away to a large
distance (see also Fig. 5, top right). Such a flow component will
be identified as a strong disk wind. Note that the outflow pre-
sented here is distinct in nature from that known as a bounce jet
(Chen et al. 1997), which arises because of a bounce of free-
falling low angular momentum material when it goes through
the centrifugal barrier at small r.

The outflow will also produce large absorption in the emer-
gent spectra.We also notice strong velocity shear at the boundary
between the disk region and the outflow region. This complex
density profile around the disk surface as shown in Figure 3 is
explained as a consequence of the K-H instability.

The growth timescale of the K-H instability is roughly given
by

tKH ! 1

kvr

!disk
!out

! "1=2

; ð27Þ

where k is the wavenumber and !disk /!out is the density ratio of
the disk region to the outflow region at the disk boundary. Here
we assume an incompressible fluid as well as !disk 3!out and
neglect the gravity. Also, the viscosity is not considered, since
the r"-component of the viscous stress tensor is set at zero in
the present simulations. By setting k ¼ 2# /10rg; vr ¼ 0:1c, and
!disk /!out ¼ 10, we find tKH % 5 ; 10& 3 s. Note that this is shorter
than the escape time, r /vr ¼ 0:1 s, for r ¼ 100rg and vr ¼ 0:1c.
That is, there is ample time for the K-H instability to grow
before the material flows outward.

The mass accretion rates as a function of the radius are dis-
played in Figure 6 for the case of ṁinput ¼ 1000 and Z ¼ 1 Z' .
The solid, dotted, and dashed curves indicate the ṁ profiles at
elapsed times of t ¼ 10, 30, and 50 s, respectively. Here the
mass accretion rate at each radius is evaluated by

ṁr ¼ & c2

LE

Z
2#r 2! r; "ð Þmin 0; vr r; "ð Þ½ ) sin " d": ð28Þ

It is found that the mass accretion rates are not constant in the
radial direction but decrease inward, as the flow approaches the
black hole. Roughly, we find ṁr / r. In addition, we find that
the radial ṁr profile remains nearly the same after 7 s, from
which we can conclude that the flow is in a quasi-steady state.
This ṁr change is caused by a cooperation between wind mass
loss around the disk surface and the circular motion deep inside
the disk. Note that accretion rates are assumed to be constant in
space in the slim-disk model formulation.

The multidimensional numerical simulations of RIAFs have
shown that the accretion disks are convectively unstable, and thereby
the circular motion is driven within the flow (e.g., Igumenshchev
& Abramowicz 1999; Stone et al. 1999; McKinney & Gammie

Fig. 4.—Two-dimensional density distribution in the whole computational
domain at the elapsed time of t ¼ 10 s for M ¼ 10 M' . The adopted param-
eters are ṁinput ¼ 1000 and Z ¼ 1 Z' .
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Figure 1. Central accretion rate and radiative luminosity as a function of time
for radiative efficiency ϵ = 0.1.

2.4. Mesh Refinement and Initial Conditions

We simulate a cylindrical domain in the upper hemisphere
0 < (R, z) < 1 pc with 18 levels of mesh refinement. Since
each AMR block contains 8 × 8 zones, the maximum spatial
resolution in the simulation is ∆x ∼ 3 × 1012 cm. We require
that the central hole, with radius rhole = 1014 cm, is always
resolved at the highest level of mesh refinement. We achieve
pseudo-logarithmic gridding by capping the resolution at radius
r with ∆x > 1

8ηr where we choose η = 0.1; this prevents
the use of excessive resolution far from the central hole. The
simulation domain initially contained uniform-density partially
ionized gas, with initial electron abundance of χe = 0.5, at
temperature 104 K and density nH = 107 cm−3. The initial value
for the central point mass was 100 M⊙.

3. RESULTS

The central accretion rate, shown in Figure 1, oscillates
between values close to, and occasionally mildly exceeding the
Eddington limit, Ṁmax ∼ ṀEdd ∼ 2×10−6 M⊙ yr−1, and a rate
lower by an order of magnitude, Ṁmin ∼ 2×10−7 M⊙ yr−1. The
accretion is approximately periodic with a mild trend toward
an increasing period separating consecutive peak episodes;
the period varies between 250 yr and 350 yr. Accretion rate
falloff following a maximum is roughly exponential, as may
be expected when photoheating and photoionization radiation
pressure in the ionized region surrounding the black hole drive
down the accretion rate (see Section 3 in Milosavljević et al.
2009). The average accretion rate and luminosity are ⟨Ṁ⟩ =
4.6×1019 g s−1 and ⟨L⟩ = 4.2×1039 erg s−1, which says that on
average, the black hole accretes at 32% of the Eddington limit.
The average accretion rate is still only ∼0.2% of the isothermal
“Bondi” accretion rate ṀBondi = e3/2π (GMbh)2nmp/c3

s (∞),
calculated ignoring radiative feedback, for an ambient sound
speed of cs(∞) = 14 km s−1.

During a central accretion maximum, electron scattering
and photoionization radiation pressure drive an outflow in the
ionized gas within the H ii region that has neutral fractions
χH ∼ 10−4 to 10−5 (Figure 2, lower panels). This leads to rar-
efaction and exponential drop in central accretion. Meanwhile,
as radiation pressure subsides, gas near the edge of the H ii
region accelerates inward. This acceleration is driven by a gas
pressure imbalance near the edge; the imbalance was inherited
from the preceding accretion maximum when an outward radi-
ation pressure force balanced an inward gas pressure gradient
force. The outflow intersects with the inflow, and the inflowing
gas ultimately arrives at the edge of the central hole and gives
rise to a new accretion maximum. The longest timescale in the
cycle is the inward acceleration and infall time, which is here a

Figure 2. Gas number density n (upper panels) and neutral fraction χH (lower
panels) at two separate instances around t ∼ 4000 yr. The left panels show
the flow during a central accretion minimum; infalling gas is clearly visible at
r ∼ 1.5 × 1016 cm. The right panels show the flow during a central accretion
maximum. The structure near the central axis, in the conical region marked by
dashed lines, is an artifact of our having set the optical depth to zero along the
axis, for R/|z| < tan 5◦, to avoid numerical issues arising from the coordinate
singularity.

Figure 3. Minimum radius at which neutral gas, with ionization fraction
χH+ < 1

2 is found (lower boundary of the shaded region in panel (a)) and
maximum radius at which ionized gas, with χH+ > 1

2 , is found (upper boundary
of the shaded region). Panel (b) shows the minimum radius at which the radial
inflow is subsonic. Because of transient shock heating in the flow, the sonic
radius, which normally resides at rs ∼ 2.2 × 1014 cm, shrinks to the edge of the
hole at rhole = 1014 cm.

factor of ∼3 shorter than the radial sound crossing time of the
H ii region with typical temperature TH II ∼ 4 × 104 K.

To investigate the relative importance of radiation pressure
compared to heating, we continued the simulation shown in
Figures 1– 3 with the radiation pressure force artificially set
to zero. The heating-only simulation exhibited a significantly
higher, super-Eddington mean accretion rate and a rapid,
monthly variability reflecting an episodic heating to the Comp-
ton temperature and convective transport at r ∼ rhole. The longer
period (∼300 yr) behavior observed in the simulation with the
radiation pressure was absent in the heating-only simulation.
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Figure 5. Accretion rate history for a higher-mass BH (in the
outer region). The curves show the cases for MBH = 103 (green
long dashed), 3× 103 (blue short dashed), 5× 103 (magenta dot-
ted), 104 (red solid), and 2 × 104 M⊙ (orange dot-dashed). The
radiative efficiency is assumed to be η = 3/(10+3ṁ) (the trapping
model). The density of the ambient gas is n∞ = 105 cm−3. Open
circles mark the six epochs at which we show the radial profiles
in Fig. 6. For lower BH mass (MBH < 104 M⊙), the average ac-
cretion rate is limited to ṁ ! 10, which is similar to that shown
in Fig. 3. For higher BH mass (MBH " 104 M⊙), a big jump
of the accretion rate occurs and the accretion rate approaches a
constant value, where Ṁ ≃ 8000 ṀEdd (ṀB ≃ 7200 ṀEdd).

big jump of the accretion rate (phase 3–5 in Figs. 5 and 6).
Note that the inward acceleration by the positive pressure
gradient force is subdominant compared to that by the BH’s
gravity, in contrast to the burst-like accretion with a low ac-
cretion rate (see §3.1). Fig. 6(b) shows that the size of the
HII region shrinks and it disappears. Finally, the tempera-
ture profile is nearly isothermal with T ≃ 8000 K. The final
profile of the inflow rate is almost constant (Fig. 6c), which is
a steady and approximately isothermal Bondi solution with
ṁ ≃ 8000.

We note the final fates with 103 < MBH < 104 M⊙,
where the accretion rates are almost constant at the end of
the simulations. For these marginal cases between the burst-
like accretion (MBH # 103 M⊙) and the hyper-Eddington
accretion (MBH " 104 M⊙), a dense shell develops just out-
side the HII region but radiative heating still suppresses the
strong inflow. We do not find a transition to a steady hyper-
Eddington phase at least within the simulation time, which
is 10 − 20 times longer than the dynamical time at RB,0.
However, the dense shell might fall into the BH at some
point in a longer-term simulation if the gravity slightly ex-
ceeds the outward force of gas pressure. If in the case of
density inversion flows, there is a non-linear density fluc-
tuation due to the Rayleigh-Taylor instability (see §5.1),
then accretion might increase even for the marginal cases
of 103 < MBH < 104 M⊙.

3.3 Parameter dependence

To discuss the conditions required to realize a steady hyper-
Eddington accretion flow, we conduct four additional simu-
lations for different BH mass (5 × 104 # MBH # 106 M⊙)

radius (cm)

1016 1017 1018 1019

104

102

1
a

cc
re

tio
n

 r
a

te
  
M

/M
E

d
d

・
・

105

103

10

d
e

n
si

ty
 (

cm
  
 )

105

106

107

-3 108

109

1010

te
m

p
e

ra
tu

re
  
(K

)

104

105

103

RB,0

1

2

3

4

5
6

1234

5

6

1
2

3

4

5

6

RHII

(a)

(b)

(c)

Figure 6. Time evolution of radial profiles of the (a) number
density, (b) temperature and (c) inflow rate (= −4πρvr2) for
MBH = 104 M⊙ and n∞ = 105 cm−3 (in the outer region). The
curves show the profiles at (1) t = 3.5 × 104 yr (red solid), (2)
1.9 × 105 yr (green long-dashed), (3) 2.4 × 105 yr (blue short-
dashed), (4) 2.41 × 105 yr (magenta dotted), (5) 2.42 × 104 yr
(orange dashed-dotted), and (6) 4 × 105 yr (black solid). The
initial Bondi radius is RB,0 = 2 × 1018 cm. Note that in panel
(c) for clarify, we do not show positive values (phase 2; green)
at r $ 1017 cm. In this case where the HII region is confined
within the Bondi radius (RHII

< RB,0), the big jump of the
accretion rate occurs. Finally, the accretion flow becomes a steady
and isothermal Bondi solution with ṁ ≃ 8000.

and number density of the ambient gas (n∞ = 103 and
104 cm−3).

The results for n∞ < 105 cm−3 are similar to the cases
shown in §3.2. For a larger BH mass or higher density, the
accretion rate jumps to the corresponding Bondi rate. On
the other hand, for smaller BH mass or lower density, the
accretion rate is limited to ! (1− 10) LEdd/c

2. Fig. 7 sum-
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Early BH-galaxy coevolution
    Effects by bulge stars 
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• stellar irradiation
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Early BH-galaxy coevolution

Rapid BH growth is triggered in a massive halo 
(Tvir ~ 105 K) with a bulge heavier than >100MBH

Early BH-Galaxy Coevolution 13
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Figure 6. Time-evolution of the mass accretion rate onto
the BH with di↵erent values of the bulge mass; M? = 107 M�
(blue), 106 M� (orange), 105 M� (green), and no bulge
(black).
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ionized region continues to expand and heats the sur-
rounding gas in the same way as in the case without
bulge. As a result, the transition to rapid mass accre-
tion does not occur by the end of the simulation. Since
the free-fall velocity at r ' 50 pc is ⇠ 20 km s�1 (the
enclosed mass is dominated by the bulge), the transition
could not occur within another ⇠ 2.5 Myr even if all the
radiative output turns o↵.

In summary, the size of the expanding I-front deter-
mines the nature of mass accretion onto the BH and the
formation/acceleration of neutral-gas inflows from larger
radii is a key process to trigger the accretion transition.
Based on those findings, we give a simple analytical ar-
gument for the conditions required for the transition in
§4.

3.2.3. Star formation e�ciency ✏?

Set ✏? = 0.5. Still waiting for the result...

3.2.4. Virial temperature of host DM halos Tvir

We examine three cases of BH accretion in a typ-
ical atomic-cooling halo with a virial temperature of
Tvir = 104 K (see Table 1). For all the cases, the I-front
quickly expands and reaches the outer-most radius of the
computational domain. Since the I-front is R-type, the
density profile does not change from the initial distribu-
tion except within 1 pc, where the BH gravitational force
pull the ionized gas toward the center and increases the
density as ⇢ / r�3/2. However, the accretion rate of the
ionized gas is limited to the Eddington owing to the out-
ward radiation force via electron scattering. Due to the
self-regulated nature of BH radiative outputs, the gas
ejection from the halo takes place in a relatively slow
process, unlike stellar irradiation and supernova feed-
back with given feedback energy (e.g., Kitayama et al.
2004; Kitayama & Yoshida 2005). Overall, the stunted
growth of seed BHs in “normal” atomic-cooling halos
is consistent with previous studies that use cosmologi-
cal hydrodynamical simulations (Habouzit et al. 2017;
Latif et al. 2018), although our simulations focus on the
early stage of the bulge formation without including SN
feedback.

4. ANALYTICAL DERIVATION OF THE
CONDITIONS FOR RAPID ACCRETION

We here derive the conditions required for the onset of
rapid mass accretion onto a seed BH embedded within
bulge stars. Based on the RHD simulation results, the
transition is triggered when (1) the ionization front is
confined within the core region without propagating out-
ward and (2) a su�cient amount of neutral gas is sup-
plied from larger radii without being suppressed by ra-
diative feedback. In what follows, we quantify the two
conditions with analytical expressions.
Let us consider that an accreting BH emits ionizing

radiation at a rate of Q0 and the radiation propagate
outward within a gas cloud with a distribution given by
Eq. (29). As a reference value, we estimate the size of

KI, Nakatani et al. (in prep)
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Figure 1. Merger history of the main progenitors of a high-z
quasar host galaxy with a DM halo mass ofMh = 1012 M� at
z = 6. For a reference, the median halo mass among all the
104 trees is shown with the red curve. Three representative
merger trees (in terms of growth speed) are highlighted with
the blue, orange, and green curves (tree id = 1, 2, and 3).
The dotted curves indicate constant virial temperatures, the
values of which are denoted by numbers in the figure.

We consider the evolution of thermal and kinetic en-
ergy of the gas by solving the two energy equations:

deth

dt
= �mrg,th + �comp � Lchem � Lrad, (19)

where Lchem is the cooling/heating rate associated with
chemical reactions, and Lrad is the radiative cooling rate
(note that all the rates are in units of erg s�1 g�1).
While the compressional heating rate is included only
in the collapse stage, the other e↵ects are taken into
account to calculate the gas temperature over the three
evolutionary stages. The cooling term includes radiative
cooling by H, He, He+, and He++ (Glover & Jappsen
2007), H2 (Glover & Abel 2008; Glover 2015a,b), and
cooling/heating associated with chemical reactions.
We solve the chemical reactions of primordial gas

among the following 9 species; H, H2, e�, H+, H+
2 ,

H�, He, He+, and He++. In Table. 1, we show the 35
reaction rate coe�cients adopted in this work. In terms
of photodissociation of H2, H� and H+

2 by external radi-
ation emitted from nearby star forming galaxies, the re-
action rate is calculated by assuming the radiation spec-
tral energy distribution (SED) to be a blackbody spectra
with Trad = 2 ⇥ 104 K. The SED model approximates
more realistic spectra of observed metal-poor star form-
ing galaxies (Inoue 2011). The dissociation rates are
calculated by a convolution with the cross section of the

Figure 2. Time evolution of LW radiation intensity JLW

(in units of 10�21 erg s�1 cm�2 Hz�1 sr�1) exposing to the
quasar progenitors for the four cases shown in Fig. 1. For
the median tree, we show two cases where the metal-bubble
size rs is calculated as described in §2.2 (solid) and the twice
of the fiducial value is adopted (dashed).

i-th chemical species (i = H2, H�, and H+
2 ) as

ki,pd =

Z 1

0

4⇡J(⌫)

h⌫
�i(⌫)d⌫. (20)

The cross sections we adopt are also listed in Table. 1.

3. RESULTS

3.1. Merger history & evolution of LW radiation

background

In Fig. 1, we show the evolution of the main progen-
itors, i.e., the most massive halos at each epoch, for all
the 104 merger trees that grow to Mh = 1012 M� at
z = 6. In such over-dense regions of the universe, the
DM halo mass increases via rapid mergers. The me-
dian halo mass (dashed curve) reaches Mh ' 8 ⇥ 1010,
6 ⇥ 108, 2 ⇥ 107, and 8 ⇥ 105 M� at z = 10, 20,
30, and 40, respectively, and the virial temperature ex-
ceeds the atomic-cooling threshold of Tvir ' 104 K at
z ' 34. Therefore, the gas cloud concentrated in the
massive halo collapses at an epoch earlier than when
typical first-galaxies would form in atomic-cooling ha-
los (Mh ' 107 M� at z ' 10; see Bromm & Yoshida
2011), which are usually considered to be massive seed
forming sites in most previous studies (e.g., Dijkstra
et al. 2014). For illustration purposes, we highlight three
merger trees: the blue (id 1, a less massive tree), orange
(id 2, a tree comparable to the median evolution), and
green curve (id 3, a more massive tree). In the following

norm
al first 

galaxies

Seed formation in QSO hosts

growth!

Z~0.01Zsun 
(Sarment et al. 2018)

halo conditions

KI, Nakatani et al. (in prep)
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High-redshift universe

・construction of LF/MF for low-mass / less luminous BHs

Subaru High-z Exploration of Low-Luminosity Quasars (SHELLQs) V 15

Figure 10. Binned LF measured by the SDSS (squares;
Jiang et al. 2016), the CFHQS (crosses; Willott et al. 2010),
and this work combining the SDSS, CFHQS, and SHELLQs
samples (dots). The open circles show the LF excluding the
five quasars with narrow Lyα (see the text). The solid line
represents our parametric LF with the 1σ confidence interval
shown by the shaded area, while the dashed line represents
the parametric LF of Willott et al. (2010). All the paramet-
ric LFs are calculated at z = 6.0.

M∗
1450, and Φ∗). Specifically, we maximize the likeli-

hood L by minimizing S = −2 lnL, given by

S = −2
!

ln [Φp(z,M1450) fcomp(z,M1450)]

+2

" +∞

−∞

" +∞

−∞

Φp(M1450, z) fcomp(z,M1450)
dVc

dz
dz dM1450,

(9)

where the sum in the first term is taken over all quasars
in the sample. The resultant parametric LF is presented
in Figure 10, and the best-fit LF parameters are listed
in the first row of Table 5. Figure 11 presents the con-
fidence regions of the individual LF parameters.
This is the first time that observed data have shown

a clear break in the LF for z ∼ 6 quasars. The
bright-end slope, β = −2.73+0.23

−0.31, agrees very well
with those reported previously by Willott et al. (2010,
β = −2.81, with the faint-end slope fixed to α = −1.5)
and Jiang et al. (2016, β = −2.8 ± 0.2, fitting only the
brightest portion of the LF). The break magnitude is
M∗

1450 = −24.90+0.75
−0.90, and the LF flattens significantly

toward lower luminosities. The slope α = −1.23+0.44
−0.34 is

even consistent with a completely flat faint-end LF (i.e.,
α = 1.0).

We also performed LF calculations with k fixed to
−0.47 or allowed to vary as a free parameter, and found
that the other LF parameters are not very sensitive to
the choice of k. These results are listed in the second
and third rows of Table 5. The fitting with variable k
favors relatively flat LF evolution (k = −0.2+0.2

−0.1), which
may be consistent with a tendency that k is smaller for
lower-luminosity quasars seen in Jiang et al. (2016, their
Figure 10). But given the short redshift baseline of the
present sample, we chose to adopt the fixed value k =
−0.7 for our standard LF.
Recently, Kulkarni et al. (2018) reported a very

bright break magnitude of M∗
1450 = −29.2+1.1

−1.9 mag
at z ∼ 6, by re-analyzing the quasar sample con-
structed by Jiang et al. (2016), Willott et al. (2010),
and Kashikawa et al. (2015). However, their data favor
a single power-law LF, and thus the break magnitude
was forced to be at the bright end of the sample in their
LF fitting (Kulkarni et al. 2018). The present work in-
dicates that the LF breaks at a much fainter magnitude,
in the luminosity range that has been poorly explored
previously.
It may be worth noting that the CFHQS-deep survey

discovered one quasar in the M1450 = −22.00 bin from
Va = 0.003 Gpc3, while SHELLQs discovered no quasars
(in the present complete sample) in the same M1450 bin
from Va = 0.058 Gpc3 (Table 2). This is presumably
due to statistical fluctuations. Based on the present
parametric LF, the expected total number of quasars
in the CFHQS-deep survey is roughly one, with the
most likely luminosity in the range −25 ! M1450 ! −22
mag. In reality the survey discovered one quasar with
M1450 = −21.5 mag and none at brighter magnitudes,
which is consistent with the expectation. On the other
hand, the expected number of SHELLQs quasars in the
M1450 = −22.00 bin is roughly one. This is consistent
with the actual discovery of no quasars in this bin, given
Poisson noise.
The SHELLQs complete sample used here includes

five objects with narrow Lyα lines (FWHM < 500 km
s−1) at −23.5 < M1450 < −22.5. We classified them as
quasars based on their extremely high Lyα luminosities,
featureless continuum, and possible mini broad absorp-
tion line system of N V λ1240 seen in their composite
spectrum (Matsuoka et al. 2018a). It is possible that
they are not in fact type-1 quasars, so for reference, we
re-calculated the binned LF at −23.5 < M1450 < −22.5
omitting these five objects, and listed the results in the
last two rows of Table 4. The parametric LF in this case
is reported in the fourth row of Table 5, which shows a
modest difference from the standard case.

z~6 QSO luminosity function

Subaru HSC JWSTMatsuoka et al. (2018)

Lynx

ALMA LISA

・direct probes of the host galaxy properties (radio - IR) and  
    SMBHs / seeds themselves (X-ray, GWs)

ongoing/future multi-wavelength observations

BH mass function 
construction (z=4-6)
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The GW View of Massive Black Holes
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Figure 1: Lines of constant SNR as a func-
tion of redshift (cosmic time) and source-
frame binary mass MB for the LISA observa-
tory. The MBHs are not spinning and have
mass ratio q = 0.5. Overlaid is an illustra-
tion of evolutionary tracks ending with the
formation of a MBH at z ⇠ 3. Black dots and
arrows represent the MBHs and their spins,
respectively. MBHs are embedded in galac-
tic halos (white-yellow circles) and experience
episodes of accretion (black lines) and merg-
ers. Black stars refer to the most distant
long Gamma-Ray Burst, quasar and galaxy
detected so far.

0.01 (0.1) in several LISA events, and the spin misalignment relative to the orbital angular
momentum will be determined to within 10 degrees or better [2]. Individual spins prior to
the merger encode information on whether accretion, which shaped both the MBH mass
and spin evolution, was coherent (leading to spins close to maximal and small misalignment
angles) or chaotic (leading to lower average spins and random spin orientations over the BH
life cycle) [22, 23, 24]. This will give us the unprecedented opportunity to reconstruct the
MBH cosmic history from GW observations alone [25]. Moreover, by measuring the angle
between BH spins and the angular momentum, crucial information will be gathered about
the interaction between the MBHs and their gaseous environment and about whether the
binary evolution is driven by the gas. In particular, gas can exert dissipative torques on
the BH spins, potentially aligning them with the gas angular momentum. This also has
crucial implications for the fate of the BH produced by the merger, which could be imparted
a large GW recoil velocity in the presence of large spin orbit misalignment prior to merger
[26, 27, 28, 29, 30, 31].

As illustrated in Figure 1, GWs from MBHs are incredibly strong, and the advantage of
this fact cannot be understated. At cosmic noon, right when galaxy mergers are rife, MBH
mergers become extraordinarily loud, which enables precise measurements of the source
parameters over 12 billion years of cosmic time. Intrinsic masses will be determined with
errors of 0.1%� 1% for both BHs, and the two spins with an absolute uncertainty as small
as 0.01, in the best case. Observing the signal from coalescing 106�7 M� MBHs at z ⇠ 2 is
also of paramount importance. Those will be detected with high SNR to alert observatories
across the whole EM spectrum, at least hours before the merger proper[13]. With a sky
localization that continues to improve as the accumulated SNR increases, MBH mergers will
be localized from within 10 deg2 (with LSST) to 0.4 deg2 (with Athena), and even down to
arcmin2 at merger, for those rare and loud MBH coalescences below z < 1. The science with
contemporaneous EM and GW observations is spectacular, enabling to detect the EM chirp
from the mini-discs around the individual MBHs [32], the hot coronal and/or jet emission in
the violently changing dynamical spacetime [33, 34, 35, 36, 37].
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・LW radiation / streaming motion
・high accretion -> DCBHs
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most abundant, inefficient growth
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less abundant, possibly efficient growth 
in massive, rare DM halos (>3σ peaks)
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