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Supermassive BHs（SMBHs）
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p SMBHs:

• exist in almost all galaxies

MBH > 106M�

• co-evolve with galaxies

MBH〜 0.5% of bulge mass

Kormendy&Ho 2013

AGN feedback: SMBHs → galaxies

gas supply: galaxies → SMBHs

MBH [M⊙]

Mstar [M⊙]

The understanding of SMBHs 
is crucial for understanding 
the galaxy evolution

kinematically-determined BH mass

disk galaxy
bulge
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Observational constraints 
from high-z quasars

pExistence of 
high-z quasars

quasar image
(Credit: ESO/M. Kornmesser)

pWhat is the origin of SMBHs?

(Banados+ 2017, Nature)

NO standard scenario

ü heavy seed

ü rapid growth
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Three SMBH seed scenarios
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subsonic contraction of the gas cloud—a regime set up by the main gas coolant, molecular hydrogen, 
which is much more inefficient than the atomic line and dust cooling that takes over when heavy elements 
are present. If stars more massive than roughly 250 M⊙ form, no process can produce enough energy to 
reverse the collapse. Thus, a MBH of ~100 M⊙ is born. Whether most of the first stars were born with 
such large masses is still an open question, and recent simulations revise the initial estimates of the stellar 
masses to possibly much lower values, just a few tens of solar masses (10). If this is the case, it is unlikely 
that the first stars have generated the first MBHs. A 10 M⊙ black hole would have a very hard time 
growing by several billion M⊙ to explain the observed population of MBHs.  
 

 

 
MBHs with substantial initial masses, thousands to millions of M⊙, can form as a consequence of 
dynamical instabilities that involve either the gaseous or stellar content of proto-galaxies. In proto-
galaxies, the gaseous component can cool and contract until rotational support takes over:  Centrifugal 
support typically halts collapse before densities required for MBH formation are reached. Gravitational 
instabilities, however, can reverse the situation and transport mass in at the expense of rotational support. 
When this occurs, there are two possible outcomes, depending on the strength of instabilities. 
In globally unstable galactic disks, a MBH seed may form when gas instabilities drive a very rapid 
accumulation of gas to create a supermassive star, of up to 1 million M⊙ (11, 12). To avoid the star 
exploding as a supernova, gas accumulation must occur in less than ~2 million years (the thermonuclear 
time scale). After exhausting its hydrogen, the core of a supermassive star will contract. As a result of 
core collapse, a black hole of a few tens of M⊙ forms at the heart of the dying star, which is still being 
bombarded by infalling gas. The resulting system (a “quasi-star”) is composed of a black hole that grows 
by eating its surrounding cocoon from the inside, until the black hole accretion luminosity exceeds what 
the cocoon can withstand. The quasi-star dissolves, and a black hole with mass up to 10% of the mass of 
the quasi-star is left in the center of the galaxy, ready to begin its life as a MBH seed (13, 14). 
In locally unstable galaxies (15), stellar dynamical instabilities can lead to MBH formation, as long as the 
gas is only mildly polluted by heavy elements (16, 17). Stars start to form in the central region, creating a 

Fig. 1. Illustration showing three pathways to MBH formation that can occur in a distant galaxy (56). The starting point is a 
primeval galaxy, composed of a dark matter halo and a central condensation of gas. Most of this gas will eventually form 
stars and contribute to making galaxies as we know them. However, part of this gas has also gone into making a MBH, 
probably following one of these routes. 
 

(Volonteri 2012, Science, with modification)

1. Pop III

2. Direct collapse

3. Pop II cluster

102 -103Msol

〜105Msol

〜103Msol

seed BH
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1. Pop III

2. Direct collapse

3. Pop II cluster

102 -103Msol

〜105Msol

〜103Msol

seed BH

Topic for group study:
Consider uncertainties and observational consequences of each 
scenario. Then, discuss a direction of theoretical and observational 
studies to pin down the true SMBH formation scenario. 
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1. Light seed scenario

・ Direct collapse
・ Pop II cluster

〜102 -103Msol 〜105Msol

seed BH：

・ Pop III

2. Heavy seed scenario

seed BH：



pro&con of each scenario
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Scenario
Light seed

(〜102 -103 Msun)
PopIII/Pop II cluster

Heavy seed
(〜105 Msun)

Direct collapse

Seed formation
○

massive Pop III stars 
have >102 Msun

△
uncertain but at 
least not easy

Early growth
(up to 105 Msun)

△
uncertain but at
least not easy

◎
Direct collapse BHs

have 〜105 Msun

In this review, I will focus on the formation of 105 Msun BHs



CURRENT STATUS OF EACH 
SCENARIO
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Light seed scenario
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1. Light seed scenario

・ Direct collapse
・ Pop II cluster

〜102 -103Msol 〜105Msol

seed BH：

・ Pop III

2. Heavy seed scenario

seed BH：



SEED FORMATION
Light seed scenario
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• Pop III
• Pop II cluster
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p From Big Bang to the first stars

three-body reactions. The molecular disk ex-
tended out to ≅400 AU from the protostar, when
the stellar mass was 10 M⊙ . Accretion onto the
protostar proceeded through this molecular disk
as angular momentum was transported outward.
The accretion rate onto the protostar was ≅1.6 ×
10−3 M⊙ year−1 at that moment.

The evolution of the central protostar is de-
termined by competition between mass growth
by accretion and radiative energy loss from the
stellar interior. The time scale for the former
is the accretion time scale tacc ≡ M*/Ṁ, where
M* is the mass of the protostar and Ṁ is the
mass accretion rate, whereas that for the latter
is the Kelvin-Helmholtz (KH) time scale tKH ≡
G M*

2/R*L*, where L* is the luminosity from
the stellar interior, R* is the radius of the pro-
tostar, and G is the gravitational constant. The
total luminosity of the protostar Ltot is the sum
of the stellar luminosity L* and accretion lumi-
nosity Lacc ≡ GM*Ṁ/R* (13).

In the early accretion phase, the stellar radi-
us remained almost constant at ≅50 solar radius
(R⊙ ) (Fig. 1A). The stellar luminosity was sub-
stantially lower than the accretion luminosity
(Fig. 1B), and the KH time scale wasmuch longer
than the accretion time (Fig. 1C). Consequent-
ly, entropy carried by the accreted gas accumu-
lated at the stellar surface nearly without loss.
During this quasi-adiabatic stage (M* < 7M⊙ ),
the luminosity L* increased with stellar mass.
When the star grew to 8M⊙ , the KH time scale
finally fell below the accretion time scale (Fig.
1C). After this, the protostar began its so-called
KH contraction, in which it gradually contracted
as it radiated its energy away (Fig. 1A). The stel-
lar luminosity was the main component of the
total luminosity after this evolutionary stage (Fig.
1B). The stellar luminosity L* increased, and
stellar radius R* decreased, as the stellar mass
increased. As a result, the stellar effective tem-
perature Teff º (L*/R*

2)1/4 and the ultraviolet

(UV) flux rapidly rose (Fig. 1D). Thus, ionization
and heating by UV photons became important
already in the KH contraction stage.

When the stellar mass was 20M⊙ , an ionized
region rapidly expanded in a bipolar shape per-
pendicular to the disk, where gas was cleared
away (Fig. 2A). At this moment, the disk ex-
tended out to ≅600AU. The diskwas self-shielded
against the stellar H2-dissociating (11.2 eV ≤ hν ≤
13.6 eV) as well as the ionizing radiation. The
ionized atomic hydrogen (H II) region continued
to grow and finally broke out of the accreting
envelope. AtM* ≅ 25M⊙ , the size of the bipolar
H II region exceeded 0.1 pc (Fig. 2B). Because
of the high pressure of the heated ionized gas,
the opening angle of the ionized region also
increased as the star grew (Fig. 2C). Shocks
propagated into the envelope preceding the ex-
pansion of the ionized region. The shocked gas
was accelerated outward at a velocity of several
kilometers per second. The shock even reached
regions shielded against direct stellar UV irra-
diation. The outflowing gas stopped the infall
of material from the envelope onto the disk (fig.
S7). Without the replenishment of disk mate-
rial from the envelope, the accretion rate onto
the protostar decreased (Fig. 3). In addition,
the absence of accreting material onto the cir-
cumstellar disk means that the disk was ex-
posed to the intense ionizing radiation from
the star. The resulting photoevaporation of disk
gas also reduced the accretion rate onto the
protostar. The photoevaporated gas escaped to-
ward the polar direction within the ionized re-
gion. The typical velocity of the flow was several
tens of kilometers per second, comparable with
the sound speed of the ionized gas, which was
high enough for the evaporating flow to escape
from the gravitational potential well of the dark
matter halo.

When central nuclear hydrogen burning first
commenced at a stellar mass of 35M⊙ , it was via
the proton-proton (pp)–chain normally associ-
ated with low-mass stars. The primordial mate-
rial does not have the nuclear catalysts necessary
for carbon–nitrogen–oxygen (CNO)–cycle hy-
drogen burning. Because the pp-chain alone can-
not produce nuclear energy at the rate necessary
to cover the radiative energy loss from the stel-
lar surface, the star continues to contract until
central temperatures and densities attain values
that enable the 3-a process of helium burning
(11). The product of helium burning is carbon,
and once the relative mass abundance of carbon
reaches ∼10−12, CNO-cycle hydrogen burning
takes over as the principal source of nuclear en-
ergy production, albeit at much higher central
densities and temperatures than those of stars
with solar abundances. These first-generation
ZAMS (zero-age main sequence) stars are thus
more compact and hotter than are their present-
day counterparts of equal mass (14). The subse-
quent evolution of the accreting star followed
along the ZAMS mass-radius relationship (Fig.
1A). By the time the star attained 40 M⊙ , the

Fig. 2. UV radiative feedback from the primordial protostar. The spatial distributions of gas temper-
ature (left), number density (right), and velocity (right, arrows) are presented in each panel for the central
regions of the computational domain. The four panels show snapshots at times when the stellar mass
is M* = 20 M⊙ (A), 25 M⊙ (B), 35 M⊙ (C), and 42 M⊙ (D). The elapsed time since the birth of the
primordial protostar is labeled in each panel.
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many samples

Hosokawa, Omukai, Yoshida, Yorke (2011, Science)

BH

Pop III IMF 
(Hirano+ 2015 w/ modification)

Pop III IMF was based on axisymmetric 2D simulations 
-> effect of gas fragmentation/binary formation was not considered

No SN

→ BHs w/o SN explosion

(cf. Heger & Woosley 2002)

Fate of Pop III stars

MPopIII = 40-140 or > 260 Msun

• follow the Pop III star formation with all 
relevant chemical/thermal/radiative processes

• start from cosmological initial conditions 
and extract minihalos



New AMR simulations with SFUMATO-RT
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(Matsumoto 2007)

ü chemical/thermal evolution
ü protostellar evolution

ü self-gravitational (M)HD
ü AMR
ü sink particle

(Hosokawa+ 2016)

Pop III physics

(Abel&Wandelt 2002)

Adaptive Ray-Tracingü Radiation transfer

(KS, Matsumoto, Hosokawa, Hirano, Omukai 2020)

SFUMATO-RT!!



Pop III binary formation
(KS+ 2020)

(https://www.youtube.com/watch?v=794O0yGWGp0)



The resulting Pop III system

16

A wide binary of massive single and mini-triplet systems

70 Msun 60+10+10 Msun

104 au

103 au

(↔ single 300 Msun star in the previous simulation by Hosokawa+16)

(KS, Matsumoto, Hosokawa, Hirano, Omukai 2020)

• Pop III IMF must be reconsidered

• The high-mass end of Pop III IMF may be smaller by a factor of a few, 
but it seems that Pop III remnant BHs with MBH >100 Msun still exist

The picture of Pop III star formation is drastically changing → stay tuned!

p Implication for Pop III remnant BHs



Light seed formation: Pop II clusters
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2360 H. Katz, D. Sijacki and M. G. Haehnelt

3.1.5 Star formation efficiency

In the local Universe the SFE, ϵ = M∗/(M∗ + Mg), is ≈ 10–30 per
cent (Lada & Lada 2003). However, we do not know whether this
is applicable to the high-redshift Universe where the environment
is very different. Dib et al. (2011) have demonstrated that the SFE
increases exponentially with decreasing metallicity with no relation
to the mass of the birth cloud. The metallicity studied in their work
is three orders of magnitude greater than the metallicity floor of
10− 4 Z⊙ used in this study which may suggest that the SFE in the
NSC forming in our simulated galaxy could have ϵ ≫ 35 per cent.
Simulations of Pfalzner & Kaczmarek (2013) show that, in order to
reproduce characteristics of local compact clusters of similar mass
to the NSC that forms in our simulation, SFEs of 60–70 per cent need
to be assumed. This finding is further supported by the simulations
of Fujii (2015) which demonstrate that a local SFE of more than
50 per cent is needed for the formation of young massive clusters
which have properties similar to such objects in the local Universe.
Both observations and the simulation results discussed suggest that
it is indeed appropriate to assume a rather high SFE in our star
cluster simulations.

For our fiducial model, we adopt ϵ = 2/3 which is defined at the
point at which we extract the clump properties in the simulation.
We should note, however, that the SFE is dependent on how the
edge of the clump is defined. This is not necessarily consistent
between simulations and observations. We have chosen a fiducial
density threshold of 104 cm− 3 which is higher than the densities at
the edges of many local molecular clouds. Since observations may
probe lower densities, the SFE which we quote will appear higher
than the true efficiency if a fair comparison would be made between
observations and the simulation. For example, if we consider a
sphere of radius 10 pc around the densest cell and consider only
gas with ρ ≥ 102 H/cm− 3, the effective SFE would be equivalent to
22 per cent.

Because mass is accreting on to the NSC, the SFE calculated
at the beginning of the simulation is higher than it would be if
calculated just prior to the most massive stars going supernova.
With the mass accretion rate of Ṁclump = 6.0 × 10− 4 M⊙ yr− 1

taken from our RAMSES simulation, the effective SFE at the end of
the N-body simulation drops to 57 per cent, 10 per cent lower than
the initial value. The impact of varying the SFE on our results is
further discussed in Appendix B where we relax the assumption of
ϵ = 2/3.

3.1.6 Possible outcomes of runaway collisions

There are three possible outcomes of the cluster evolution that we are
interested in identifying: (1) when collisional runaway results in the
formation of a VMS with M > 260 M⊙, (2) when stellar collisions
result in the formation of a pair-instability supernova (PISN) which
occurs when mergers produce a star with 150 < M < 260 M⊙,
and (3) when collisions do not lead to efficient runaway growth and
no star exceeds the PISN mass threshold. In order to sample the
probability of each outcome, we generate multiple realizations of
each set of initial conditions.

The runaway collision process begins when the high-mass stars
sink to the centre of the cluster and dynamically form binaries.
Encounters with other stars perturb these binaries by either three-
(or many-) body scattering or by binary exchanges. The semimajor
axis of the dominant binary continues to shrink as the system loses
energy due to these encounters and if the eccentricity becomes high
enough, the two stars merge. This process of binary capture fol-
lowed by a merge repeats until the core evolves to sufficiently low
density or the supernovae from the first massive stars disrupt the
cluster. To demonstrate this process in practice, we show in Fig. 6
the number of binaries as a function of time as well as the mass evo-
lution of the collisional runaway star for a representative star cluster
simulation which forms a VMS with a mass of MVMS = 455.1 M⊙
after nine separate collisions. We indicate the times of a collision
and see that most of these coincide with the points at which the
number of binaries changes. The two specific instances where the
collision time is not related to a change in number of binaries occur
when the VMS undergoes a hyperbolic collision. The masses of
the secondary objects in these types of collision tend to be small
with the average secondary mass of the hyperbolic collision being

Figure 6. Left: number of binaries as a function of time for a representative NBODY6 simulation with the top-heavy Saltpeter IMF, with no initial binaries or
primordial mass segregation, that results in a VMS with a mass of MVMS = 455.1 M⊙ after nine separate collisions. The time at which the VMS undergoes
a collision/merger is indicated with a vertical line where black represents a binary collision and red represents a hyperbolic collision. Right: the mass of the
collisional runaway as a function of time for the same simulation. The solid vertical line shows the lifetime of the most massive stars in the cluster and the
point at which the simulation is stopped. The light and dark grey regions represent the mass ranges where PISNs and IMBHs potentially form. In each panel,
the time at which the VMS underwent a collision/merger is indicated with a dashed vertical line where black represents a binary collision and red represents a
hyperbolic collision.
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Seeding high-redshift QSOs 2355

2.2.1 The collapse of two mini-haloes in close separation

A halo of Mvir = 2.48 × 107 M⊙ was identified at z = 20 in the
dark-matter-only simulation with comoving box size 500 kpc h−1.
The member particles were traced back to the initial conditions
where they were centred and the simulation was reinitialized with
baryons. Within this larger halo, two mini-haloes were identified
with a distance such that the first collapsing object can enrich the
second with metals.

At the time of collapse, the first mini-halo has a virial mass
Mvir = 2.7 × 105 M⊙, a virial radius Rvir = 62 pc,4 and a baryon
fraction of 14.2 per cent. This halo begins to collapse at z = 31.6
and is the first object to collapse in the entire simulation volume.

If we assume that the average mass of Pop. III stars is 40 M⊙
(Hosokawa et al. 2011), the average lifetime of the system prior
to supernova explosion is 3.9 Myr (Schaerer 2002). We model the
chemical enrichment from these first supernovae by implementing a
metallicity floor of 10−4 Z⊙ at z = 30.7. While this choice of metal-
licity floor is arbitrary, a prerequisite for the formation of a Pop. II
star cluster is that the halo be enriched to a metallicity above the
critical metallicity for fragmentation. For dust-free gas, this value
is approximately 10−4 Z⊙ (Schneider et al. 2012). Slightly higher
metallicities are unlikely to significantly affect the hydrodynamics
of the gas at the densities our simulations probe, because as we will
see, the temperature of the gas in the second mini-halo reaches the
CMB temperature floor which prevents further cooling. A slightly
higher metallicity may only accelerate this process.

The simulations of Ritter et al. (2012) model the transport of met-
als explicitly from the supernova of Pop. III stars and demonstrate
that the surrounding medium can be enriched to metallicities as
high as 10−2 Z⊙. The metal enrichment extends all the way to the
virial radius of the halo in only 8.5 Myr. The outflow is expected to
be bipolar and the dense filaments feeding the halo should be only
minimally enriched. The first mini-halo studied here is less massive
than the halo in Ritter et al. (2012). We may therefore expect more
mixing along the filaments as the outflow should be less impeded
by gas in the central regions of the halo in our simulation.

At z = 28.9, the second object begins its collapse at a distance
of 117 pc from the centre of the first mini-halo and slightly outside
its virial radius. This occurs 12.9 Myr after the collapse of the
first object. This leaves sufficient time for the first object to form
Pop. III stars and enrich the surrounding material with metals. The
first mini-halo has since grown to Mvir = 8.33 × 105 M⊙ with
Rvir = 97 pc and a baryon fraction of 16 per cent. The second object
is falling into the potential well of the first mini-halo along a dense
filament (see Fig. 1) and the two objects will eventually merge.

Assuming a population of 40 M⊙ Pop. III stars, we can estimate
the expected intensity of the LW radiation at the location of the
second mini-halo as

J21 = 1021 Ṅphhp

4π2r2
, (2)

where J21 is in units of 10−21 erg cm−2 s−1 Hz−1 sr−1, Ṅph =
Q̄N∗fesc is the total number of photons emitted per second which
escape the galaxy for a population of N∗ Pop. III stars with mass
of 40 M⊙, Q̄ = 2.903 × 1049 photons s−1 (Schaerer 2002) for a
40 M⊙ Pop. III star, fesc is the escape fraction, and hp is the Planck
constant. Assuming a maximal fesc = 1.0 and a separation of 117 pc,
we find J21 = 9.37N∗.

4 The virial radius is calculated assuming that the average density of the
object equals 200ρcrit.

Figure 1. Snapshot showing the surface density in a 100 pc cube of the two
mini-haloes 8.5 Myr after the collapse of the second object. The secondary
collapsing halo is centred.

Regan et al. (2014b) have demonstrated that for an anisotropic
LW source, the critical value of J21 needed to completely dissociate
H2 and keep the gas from cooling is J21 ≈ 103. At a maximal escape
fraction, complete dissociation would require the formation of a
small cluster of roughly 100 Pop. III stars with masses of the order
of 40 M⊙ at the centre of the first mini-halo whereas simulations of
these mini-haloes tend to predict small stellar associations of Pop.
III stars (Greif et al. 2011). Our simulations do not include dust
which should be present in the second mini-halo and will help the
gas cool and catalyse the formation of H2. One-zone models predict
a lower critical value of J21 needed to disrupt the formation of HD
which is the dominant coolant below ≈ 200 K (Yoshida, Omukai
& Hernquist 2007; Wolcott-Green & Haiman 2011). This is be-
cause the main formation channel of HD, H2 + D+ → HD + H+,
requires the presence of H2 which is lowered by the exposure to
the meta-galactic UV background. Given the low mass of the first
mini-halo and the initial separation of the objects when the sec-
ondary collapses, it is unlikely that the radiative feedback from the
first mini-halo will significantly disrupt the temperature and density
evolution of the second. For these reasons, we do not include a
meta-galactic UV background in our simulation. This approach is
likely to be conservative as even a mild UV background can increase
the accretion rate on to a central NSC (Devecchi & Volonteri 2009).
Denser and more massive NSCs should more efficiently undergo
runaway stellar collisions, and by neglecting a positive contribution
from the UV background we may underestimate the final masses of
the VMSs.

2.2.2 Evolution of the second mini-halo

In Fig. 2 (left and middle panels), we plot the mass-weighted phase
space diagram of density versus temperature of the second mini-
halo within 10 pc of the densest cell just as it is collapsing at z = 28.9
and then 5 Myr later at z = 28. In these early phases of the collapse,
cooling is dominated by H2 lowers the gas temperature and the
mass fraction of HD continues to rise at higher densities. HD and
metals significantly contribute at higher densities until either the
CMB temperature floor or the artificial temperature floor inhibits
further cooling.

MNRAS 451, 2352–2369 (2015)
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Katz+ 2015 (see also Sakurai+ 2017)

formation of very massive 
star by runaway collisions

Very massive stars with M* 〜500 Msun → seed BHs

formation of dense 
Pop II cluster

switch
simulation



EARLY GROWTH TO 105 MSUN

Light seed scenario
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Channels of early BH growth
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pGrowth by BH merger

• vesc〜10km/s in small galaxies

pGrowth by gas accretion

BH

BH
BH

GW

vkick > vesc

radiation feedback

• vkick 〜100km/s due to GW recoil
(e.g., Baker+ 2006, Koppitz+ 2007)

BH will escape from the host halo

BH merger cannot be the main channel of early BH growth

Uncertain due to two reasons:

1. Environment around BHs depends on 
how galaxies form and where BHs are located

2. Even if the environment is known (or given), 
accretion rate depends on the detail of feedback effects

minihalo

BH merger

gas accretion



Basics of gas accretion I:
accretion without feedback

20

q Bondi(-Hoyle-Lyttleton) accretion

ṀB =
4⇡G2M2
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q Growth time scale (MBH doubles in 0.5 tgrow, becomes infinite in tgrow)

• Accretion growth is usually inefficient unless the density is very high 
(situation is worse if seed mass is smaller)

• But, in principle, BHs can also attain an arbitrary amount of mass in 
a short time in extremely dense gas （cf. Volonteri&Rees 2005)
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MBH(t) =
MBH,0

1� t/tgrow,0
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Basics of gas accretion II: 
radiation feedback (Eddington limit)

21

q Eddington-limited Bondi accretion rate:

q Eddington limit

LE =
4⇡GMBHcmp

�es

L = ✏Ṁc2

ṀE =
4⇡GMBHmp

✏ c�es ✏ ⇡ 0.1 (standard disk)

Ṁ = min(ṀB, ṀE)

Frad =
L�es

4⇡r2cmp
<latexit sha1_base64="lT32rsKrIcl2HgtSR9lMlCNNv8k="></latexit>

- often assumed in large-scale simulations for simplicity 
but not very realistic

force per unit mass

- Radiation force due to Thomson scattering 
should not exceed BH gravity

Fgrav =
GMBH

r2
<latexit sha1_base64="57JzCy73hmh3tkiP5zsEmAitpGg="></latexit>

UV/X-ray

- Assumptions: ionized gas, isotropic rad.
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Milosavljevic+ 09, Park&Ricotti 11

HI

• Acc. from cold HI cloud

• Acc. from hot HII bubble

ṀB,HI =
4⇡G2M2

BH
⇢HI

c3
s,HI

⇢HII < ⇢HI

cs,HII > cs,HI

�̇�#,%&& is typically 1/1000 of �̇�#,%&

ṀB,HII =
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Often ignored in large-scale simulations, this mechanism 
easily causes significant reduction of accretion rate

Basics of gas accretion III: 
radiation feedback (photoionization heating)

HI
HII

TII = 7x104K
TI  = 1x104K



outflow

inflow

BH

BH oscillation

Multi-dimensional effects change 
the story

23

pIsotropic radiation

pAnisotropic radiation

(Park&Ricotti 11, Milosavljevic+ 09)

Acc. rate is significantly reduced by 
radiation feedback working in all directions

Separation of inflow and outflow regions 
increases the efficiency of accretion

(KS, Hosokawa, Yajima, Omukai 2017)

Note: the reduction becomes ineffective if gas density is so high that 
the HII region cannot expand

(Inayoshi+16, Sakurai+17, Takeo+18)

(n > 107 cm-3 for 103 Msun BHs)



BH
slim	disk

standard	disk shocked	 region

rcenrSch rtr

ionizing	 photons

disk	wind inflow

photo-heating

Possible mechanism to generate 
large anisotropy (KS, Hosokawa, Yajima, Omukai 2017)

Let’s see how anisotropy works using a simple model

• The degree of anisotropy is not well known yet

• Any kind of disk winds can generate large anisotropy of radiation



F(✓)

nH

T

T1 = 104 K

MBH = 103M�

n1 = 105 cm�3

ε= 0.1 （�̇� < 2�̇�)）
< 0.1 （�̇� > 2�̇�)）

efficiency of slim disk:

Accretion under 
anisotropic radiation
• Simulation 

parameters

• Computational domain

• Radiation model

0.1 rB < r < 200 rB
<latexit sha1_base64="3LkULRHbqonqXS9sde8iTVQNEdo="></latexit>

(rB = GMBH/c
2

s
⇠ 104 au)

<latexit sha1_base64="xYbmCOdgGy4kx5i6tPUrLuPiOgA="></latexit>

(Watarai+00)

L(✓) = ✏Ṁc2F(✓)
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Accretion under anisotropic radiation 11

Figure 6. Same as Fig. 4 but for Ds model. The structure of accreting gas at the end of simulation on large (top left), medium (top
right) and small (bottom) scales. White dashed squares in the top-left and top-right panels correspond to the sizes of the top-right and
bottom panels, respectively. The Bondi radius rB is illustrated as a black dashed circle.

4.1.3 Disk radiation with shadowing effect

Here, we present the result of our simulation for Ds model in
which we assume the direction dependence of inner radiation
is that for disk radiation with shadowing effect. Specifically,
we assume the anisotropy factor F = fdiskfshadow in Eq. (6)
where fshadow is given by Eq. (8) with θshadow = 45◦. We
also take MBH = 103M⊙ and nH,∞ = 105 cm−3 in Ds model.
Note we take θshadow = 45◦ for an example of inner radiation
model with shadowing effect. The qualitative nature of flows
are independent of θshadow as long as it is not smaller than
the critical value, as later discussed in Sec. 4.2.1.

The bottom panel of Fig. 3 shows Ṁ and L for Ds
model. After 1Myr, Ṁ approaches an almost constant value
and becomes Ṁ = 59% ṀB at the end of the simulation.
This very high accretion rate, compared with Ṁ ! 0.2% ṀB

in Di and Dns models, is realized due to a Bondi-like in-

flow in a equatorial HI region, as will be explained below.
Although the initial non-trivial time evolution is a conse-
quence of the simple but artificial initial condition, we note
that Ṁ exceeds ṀB for a while because the compression of
the equatorial HI gas by the polar HII region increases the
accretion rate of the Bondi-like inflow in a equatorial HI re-
gion. In the following we concentrate on the properties of
flow at the end of the simulation. At that time, L ∼ 8LE

and the radiation is super-Eddington in the polar region.

Fig. 6 shows the structure of accretion flow at the end
of the simulation. The whole HII bubble is fitted within the
large plotted area of the top-left panel, while the central re-
gion are zoomed up on the intermediate scale and that of rB
in the top-right and bottom panels, respectively. In the top-
left panel, similarly to Dns model, we see that the pressure
equilibrium is more-or-less realized all over the simulation

c⃝ 0000 RAS, MNRAS 000, 000–000

Accretion under anisotropic radiation 11

Figure 6. Same as Fig. 4 but for Ds model. The structure of accreting gas at the end of simulation on large (top left), medium (top
right) and small (bottom) scales. White dashed squares in the top-left and top-right panels correspond to the sizes of the top-right and
bottom panels, respectively. The Bondi radius rB is illustrated as a black dashed circle.

4.1.3 Disk radiation with shadowing effect

Here, we present the result of our simulation for Ds model in
which we assume the direction dependence of inner radiation
is that for disk radiation with shadowing effect. Specifically,
we assume the anisotropy factor F = fdiskfshadow in Eq. (6)
where fshadow is given by Eq. (8) with θshadow = 45◦. We
also take MBH = 103M⊙ and nH,∞ = 105 cm−3 in Ds model.
Note we take θshadow = 45◦ for an example of inner radiation
model with shadowing effect. The qualitative nature of flows
are independent of θshadow as long as it is not smaller than
the critical value, as later discussed in Sec. 4.2.1.

The bottom panel of Fig. 3 shows Ṁ and L for Ds
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in Di and Dns models, is realized due to a Bondi-like in-

flow in a equatorial HI region, as will be explained below.
Although the initial non-trivial time evolution is a conse-
quence of the simple but artificial initial condition, we note
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flow in a equatorial HI region, as will be explained below.
Although the initial non-trivial time evolution is a conse-
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that Ṁ exceeds ṀB for a while because the compression of
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accretion rate of the Bondi-like inflow in a equatorial HI re-
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flow at the end of the simulation. At that time, L ∼ 8LE
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Figure 4. Structures of accretion flow before (left) and after (right) an accretion burst in Di model. From the top-left panel in clock-wise,
each panel represents the number density nH [cm−3], the pressure P [dyn cm−2], the neutral fraction of hydrogen xH and the temperature
T [K]. The arrows in the top-left panel represent the velocity v, which is shown only when |v| > 1 kms−1. The central dashed black circle
represents the Bondi radius rB.

Ṁ ∼ 2 × 10−3ṀB obtained by Milosavljević et al. (2009b),
while a few times smaller than Ṁ ∼ 10−2ṀB obtained by
Park & Ricotti (2012) although the difference is in a same
order as that between Milosavljević et al. (2009b) and Park
& Ricotti (2012). The difference might come from that in
the adopted chemistry in each work because Ṁ is sensitive
to the thermal structure of the flow, as discussed in Park
& Ricotti (2011, 2012). It might be also possible that the
hydrodynamic scheme affect Ṁ quantitatively, as our simu-
lation and Milosavljević et al. (2009b) adopt Godunov type
methods while Park & Ricotti (2012) adopts a method with
the artificial viscosity. The quantitative difference mentioned
above, however, is not likely to affect the conclusion of our
work and we don’t pursuing the origin of it further.

Fig. 4 shows the structures of accretion flows before and
after an accretion burst in the left and right panels, respec-
tively. As explained above, an HII bubble shrinks before the
burst (left panel of Fig. 4) while it becomes larger again due
to the increased luminosity after the burst (right panel of
Fig. 4). While the original Bondi radius rB for the ambient
HI gas is illustrated in Fig. 4, that for a hot HII bubble

rB,HII is too small to be illustrated in it although we resolve
rB,HII in our simulation. The velocity field does not show a
systematic inflow structure but rather seems to be turbu-
lent since the gas pressure dominate the gravity in the HI
and HII regions with r > rB and r > rB,HII, respectively.
These snapshots are also very similar to those plotted in the
early works (Milosavljević et al. 2009b; Park & Ricotti 2011,
2012).

Note that there is a narrow hole of an HII bubble along
the z axis in the right panel of Fig. 4. Since the system
is spherically symmetric, this must be an artifact of our 2-
dimensional simulation, presenting the limitation of it. Any
flows toward the z axis cannot skim it and inevitably col-
lides right on it due to the axisymmetry of our simulation,
creating a high density HI clump that shadows the cells be-
hind it in the same radial direction. We expect this artifact
vanishes in future 3D simulations.

c⃝ 0000 RAS, MNRAS 000, 000–000
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8 K. Sugimura et al.

Figure 3. Time evolution of the accretion rate Ṁ and the luminosity L for D models, normalized by the Bondi accretion rate ṀB

and the Eddington luminosity LE, respectively. Top left: Ṁ (solid purple), Ṁ on average (dot-dashed purple) and L (solid orange) for
the isotropic inner radiation model (Di model) are plotted. We overplot the result of the 1-dimensional calculation (dashed green) in
the same panel. Top right: for the inner radiation model with the direction dependence of disk radiation without shadowing effect (Dns
model). Bottom: for the inner radiation model with the direction dependence of disk radiation with shadowing effect (Ds model). Note
the scales of the vertical and horizontal axes are different from those in the upper two panels. (a) や (b) の印をつけた方が見やすい？？

dependence. We summarize the result of these simulations
in Tab. 2.

4.1.1 Isotropic radiation

Here, we present the result of our simulation for Di model
in which we assume the inner radiation is isotropic. We also
take MBH = 103M⊙ and nH,∞ = 105 cm−3 in Di model. The
setup and result for Di model are basically same as those in
the earlier works (Milosavljević et al. 2009b; Park & Ricotti
2011, 2012), and so we briefly explain about this model and
refer readers to the above literature for detail.

The top left panel of Fig. 3 shows Ṁ and L of
our 2-dimensional simulation along with the result of 1-
dimensional calculation for the same initial condition. As
explained by Park & Ricotti (2011), Ṁ oscillates by repeat-
ing the following three phases: (a) the high thermal pressure
of a hot HII bubble created by ionizing photons suppresses
the gas inflow while creating a dense shell outside the HII
bubble; (b) the HII bubble shrinks because Ṁ , and hence
L, gradually decreases due to gas depletion inside the HII
bubble, which also leads to collapse of the dense shell; (c) an
accretion burst caused by the collapse of the dense shell onto

the BH dramatically increases ionizing photons and creates
a large HII bubble again. The accretion rate Ṁ in our simu-
lation exactly matches that in the 1-dimensional calculation
in the early time (t ! 5× 104 yr), but they become different
later because a numerical error breaks the spherical symme-
try of the system. Although the qualitative behavior of the
two calculations are similar, the oscillation is slightly weaker
in the 2-dimensional simulation because the breaking of the
spherical symmetry weakens the above mechanism to drive
oscillation. The luminosity L is almost always lower than LE

and proportional to Ṁ (see Eq. (5)).

The average accretion rate Ṁ between t = 4 × 105 yr
and 5×105 yr is Ṁ = 1.7×10−3ṀB and much smaller than
ṀB. As explained in Sec. 2, the suppression of Ṁ can be
understood by considering the stationary flow from the HII
bubble that is in the pressure equilibrium with a surround-
ing HI medium (Milosavljević et al. 2009a; Park & Ricotti
2011). This simple picture gives ṀB,HII ∼ 4×10−3ṀB, con-
sistent with our result with a factor of two difference, which
is understandable as the actual structure of accretion flow
is not as simple as that considered in Sec. 2. Our result is
also consistent with the earlier works (Milosavljević et al.
2009b; Park & Ricotti 2012). It is in good agreement with

c⃝ 0000 RAS, MNRAS 000, 000–000

Super-Eddington accretion is possible
if the anisotropy of radiation is sufficiently large!!

1

10

0.1

Ṁ [ṀB]

L[LE]
• Accretion reaches a 
steady state

• very high acc. rate

• super-Eddington lum.

Ṁ ⇠ ṀB

Super-Eddington accretion under 
anisotropic radiation

L > LE
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But Mdot can be suppressed by...
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pAngular momentum

pDust

(Ṁ > ṀB)not possible

α = 0.1.
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anisotropic radiation

10−2 10−1

Rc,∞/rB

10−3

10−2

10−1

100

101

Ṁ
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Yajima, Ricotti, Park, KS (2017), Toyouchi, Hosokawa, KS+ (2019)

significant reduction of �̇� occurs if  Z > 0.02 Zsun

KS, Hosokawa, Yajima, Inayoshi, Omukai (2018)

- viscosity parameter α in 
the disc is small

In reality, �̇�	can be reduced 

due to finite ang. mom of gas

�̇� is significantly reduced if:

- centrifugal radius is comparable 
to the Bondi radius

For accretion of non-primordial gas, radiation force on dust grains 
must be considered
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We here plot the accretion rate for the case with the constant tem-
perature outside the I-front given by Eqs. (8) and (A1) and those
for the case with X-ray preheating given by Eq. (A3). The tem-
peratures of ambient gas are T1 = 10

4
K (solid), 10

3
K (dashed),

and 30 K (dotted), while that of the ionized region is TII = 4⇥10
4

K

and that of the neutral region after X-ray preheating is TI = 10
4

K,
if exists. The arrows represent the values for the static BHs.

the X-rays leaking out of the I-front (i.e., X-ray preheating).
Here, we assume that even if the ambient temperature T1 is
cold, the incident flow is heated by X-rays to a temperature
TI ⇠ 10

4
K, which is determined by the steep temperature

dependence of the Ly↵ cooling, before reaching either the
shock (in D-type flows) or the I-front (in R-type flows). In
the following, we adopt subscripts 1 and I for quantities
before and after the X-ray preheating, respectively. The an-
alytical model in Sec. 2.1 and Appendix A1 is still valid if we
assume as boundary conditions at infinity the values after
the X-ray preheating. Note that X-ray preheating may be
suppressed due to the attenuation of X-rays by gas or dust
grains in the dense shell preceding the D-type I-fronts. Using
the e↵ective cross-section for Compton scattering and dust
attenuation per hydrogen atom �e� = �T (1 + 710 (Z/Z�))
(Yajima et al. 2017) and the column density of the shell
�Nshell given by Eq. (26), we can give a rough estimate of
the optical depth to X-rays of the shell:

⌧X = �Nshell �e� (A2)

= 2 ⇥ 10
�3

✓
n1 MBH

106 M� cm�3

◆ ✓
1 + 710

✓
Z

Z�

◆◆ ✓
1 � v1

vR

◆
.

The equation above suggests that, assuming a relatively hard
X-ray spectrum, X-ray preheating can be suppressed in gas
at solar or supersolar metallicities, but is always e↵ective in
gas of primordial composition. A soft X-rays spectrum could
be more easily attenuated by photoelectric absorption by
helium and metal ions, perhaps suppressing pre-heating even
at relatively low gas metallicities. We plan to investigate the
e↵ect of X-ray preheating in more detail in future works.

In response to the temperature variation, the density
and velocity also change from their ambient values ⇢1 and
v1. For the supersonic part of the flow, we consider a quasi-
1D plane-parallel model similar to that for the R-type flows

in Sec. 2.1. From mass and momentum conservation, we ob-
tain the analogue of the I-front jump condition given by
Eq. (1): the density ⇢I and velocity vI after the X-ray pre-
heating are given as ⇢I/⇢1 = v1/vI = �

(�)(v1, c1, cI) if
v1 > vR(c1, cI), where vR(c1, cI) ⇡ 2 cI for c1 ⌧ cI. If
v1 < vR(c1, cI), however, a shock may form in the pre-
heating transition region because the above jump conditions
give unphysical (imaginary) values, as in the case of the
D-type flows in Sec. 2.1. In such a case, we again interpo-
late the results for v1 = 0 and vR(c1, cI), as the quasi-1D
plane-parallel approximation is not appropriate for the post-
shocked subsonic flows. Since vI is equal to 0 if v1 = 0 and cI

if v1 = vR(c1, cI), we assume vI = cI v1/vR(c1, cI). We obtain
the density ⇢I = ⇢1(c2

1 + v
2
1)/(c2

I
+ v2

I
) from the conservation

of the total pressure, as assumed in Sec. 2.1.
Finally, we obtain the accretion rate €M for the case with

X-ray preheating, using the above expressions for ⇢I and vI

after the temperature reaches TI. From the formula for €M
for the case with fixed neutral-gas temperature (Eqs. 8 and
A1), we obtain

€M =
8>>><
>>>:

€Msub�sonic 0  v1 < vR(c1, cI)
€MD vR(c1, cI) < v1 < vR(cI, cII)
€MR vR(cI, cII) < v1

, (A3)

with

€Msub�soinc =
4⇡G2

M
2
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2
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II
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✓
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€MD =
⇡G2

M
2

BH
⇢1 (v2

1 + c
2
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II

, (A5)

and

€MR =
4⇡G2

M
2

BH
⇢1�(�)(v1, c1, cII)✓

c
2

II
+

⇣
v1

�(�)(v1,c1,cII)

⌘2
◆ 3

2

. (A6)

In Fig. A1, we plot €M for the case with X-ray preheating,
setting T1 = 30 and 10

3
K and TI = 10

4
K. In Eqs. (A5)

and (A6), we have simplified the expressions using the con-
servation of the total pressure and the mass flux along the
flow. Note that the velocities at which the expression for
€M changes from €Msub�sonic to €MD and from €MD to €MR are
vR(c1, cI) ⇡ 2 cI (c1 ⌧ cI) and vR(cI, cII) ⇡ 2 cII (cI ⌧ cII),
respectively. The accretion rate converges to the ordinary
BHL value for v1 � 2 cII.

This paper has been typeset from a TEX/LATEX file prepared by
the author.
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the I-front is almost fully ionized, i.e., xHI ⌧ 1 and xHII =

xe ⇡ 1, where xHI, xHII, and xe are the hydrogen neutral
fraction, ionized fraction, and the electron fraction, respec-
tively. The gas is roughly in photo-ionization equilibrium:
kion nH xHI = ↵B n

2

H
xHIIxe ⇡ ↵B n

2

H
, where kion is the hydro-

gen photo-ionization rate. Thus, the photo-ionization heat-
ing rate per unit volume is � = �E kion nH xHI ⇡ �E ↵B n

2

H
,

where �E = hh⌫iion � 13.6 eV is the mean energy deposited
into the gas per photo-ionization. The Ly↵ cooling rate can
be written as ⇤ = ⇤̃Ly↵ n

2

H
xe xHI ⇡ ⇤̃Ly↵ n

2

H
xHI with a T-

dependent coe�cient ⇤̃Ly↵. As ↵B and ⇤̃Ly↵ are decreasing
and increasing functions of T , respectively, the equilibrium
temperature (i.e., � = ⇤) is higher if the neutral fraction
behind the I-front, xHI, is lower.

In ionization equilibrium, xHI is inversely proportional
to the ionization parameter, ⇠ ⌘ Fion/nII, where Fion is the
flux of ionizing radiation. Since the absorption of the ionizing
photons inside the HII region is insignificant except for the
extreme vicinity of the I-front, we assume optically thin flux
in our estimate. Then, approximating the size of I-front with
the Strömgren radius rStrm (Eq. 13), we obtain ⇠ slightly
inside the I-front as

⇠ =
L

4⇡ r
2

Strm
nII

/ L
1

3 n

1

3

II
, (27)

where we ignore the TII dependence in the last expression.
From Eqs. (8), and (11)-(12), the analytical model predicts
that L is proportional to M

3

BH
n

2
1 in the RIAF regime. There-

fore, from Eq. (27), the dependence of ⇠ on MBH and n1 is

x
�1

HI
/ ⇠ / MBH n1 . (28)

This explains why the temperature rise inside the HII region
is steeper in the runs with larger n1 for fixed MBH, as well as
why we obtain the same temperature profiles in runs having
the same n1 MBH.

4.2 Region II: unstable D-type flows

As we increase v1, the dense shell in the D-type flow be-
comes unstable. As a reference case for the unstable D-type
flow in the Region II of Fig. 1, we perform the run with
n1 = 10

5
cm

�3, MBH = 10
2

M�, T1 = 10
4

K, and v1/c1 = 4.
We show a snapshot of the flow structure after the instability
is fully developed and saturated in Fig. 6. We also provide
a corresponding 3D view in Fig. 7. The shell is destroyed by
the eruptive expansions of the I-front launched from various
places, with dense clumps forming in the gaps of the I-front.

The instability in this range of v1 was seen in the pre-
vious 2D simulations of PR13. However, the way the insta-
bility grows is significantly di↵erent in 2D versus 3D sim-
ulations (see Fig.8 of PR13), as we have also confirmed by
performing 2D comparative runs. Although the structures
due to the instability are seen in various directions in 3D,
they tend to converge to the axis of BH motion in 2D due
to the assumed axisymmetry, making the structures more
ordered and stronger in 2D than in 3D. Furthermore, we
observe that the instability can be artificially seeded near
the axis in 2D due to the singularity of the spherical coor-
dinates.

The instability can be understood as the instability of a
thin shell between the D-type I-front and the shock, studied

nH [cm-3]

v [km/s]

densityxH=0.90.1

10000 au

Figure 6. The same as Fig. 3 but for the run with n1 = 10
5

cm
�3,

MBH = 10
2 M�, T1 = 10

4
K, and v1/c1 = 4 at a time after the

instability is fully developed and saturated.

Figure 7. A 3D view of the flow structure corresponding to the
2D slice snapshot in Fig. 6. We illustrate the I-front (yellow), to-
gether with the density (green and red) and velocity (streamlines)
fields. The green and red contours correspond to nH = 5⇥ 10

5 and
10

6
cm

�3, respectively.

in previous literature. This instability was found analyti-
cally using linear analysis by Giuliani (1979) and confirmed
in 2D (Garcia-Segura & Franco 1996) and 3D (Whalen &
Norman 2008a,b) simulations of an expanding D-type I-
fronts around massive stars. As mentioned in Garcia-Segura
& Franco (1996), this instability is caused by a mechanism
similar to that of the thin-shell instability of an expanding
hot bubble in a cold ambient gas found by Vishniac (1983).
In both cases, the thermal pressure of inner hot gas and the
ram pressure of external cold gas balanced each other in the
unperturbed state, but a force imbalance is introduced in
the presence of shell distortions because the force from the
thermal pressure is orthogonal to the surface but the ram-
pressure force is parallel to the flow, enhancing the front
distortion. Using linear perturbation analysis, under the as-
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T [K]

nH [cm-3]

v [km/s]

density

temperature

xH=0.9

0.1

density

temperature

80000 au

20000 au

Figure 3. The snapshots of the steady-state flow in the run with
n1 = 10

5
cm

�3, MBH = 10
2 M�, T1 = 10

4
K, and v1/c1 = 2. The

bottom panel is a zoom-in view of the top panel where the entire
HII bubble is displayed. In each panel, we show the xy-slice of
the density (upper) and the temperature (lower), together with
the velocity streamlines. The outer and inner white contours cor-
respond to the surfaces of the neutral fraction xHI = 0.9 and 0.1,
respectively. The gas is moving from the right side to the left, with
the BH located at the center of the sink region (white circle).

we see that a stable, dense shell forms between the D-type
I-front and the preceding shock, alike a bow shock around
a blunt body (see, e.g., Yalinewich & Sari 2016; Keshet &
Naor 2016, for recent studies).

Let us investigate the structure of the flow in detail. In
the HII region, the gas is heated to the equilibrium tem-
perature TII ⇡ 4 – 5 ⇥ 10

4
K, determined by the balance of

the photo-ionization heating and the Ly↵ and free-free cool-
ing. The shock is isothermal due to the e�cient Ly↵ cool-
ing in the neutral gas, and the density jump in the shell
is (v1/c1)2 ⇡ 4 of the ambient value. As considered in the
analytical model in Sec. 2, the gas motion is approximately
plane-parallel except for inside the shell, where the tangen-
tially diverging motion has a significant e↵ect on the stream-
lines. The shell is rather thick (�Rshell/RIF ⇠ 0.1) and stable.
The size of the I-front, RIF ⇠ 2 ⇥ 10

4
au, agrees with the

analytic Strömgren radius in Eq. (13). In general, the flow
structure is consistent with previous 2D simulations in PR13
and agrees with the analytical model.

To understand the properties of the shell and its stabil-
ity, we investigate the dependence of the shell thickness on
the BH velocity, by performing runs with various BH veloc-
ities v1/c1 = 1.5 – 3 for n1 = 10

5
cm

�3 and MBH = 10
2

M�.
We observe stable D-type flows for the velocity range men-
tioned above, but the shell becomes unstable or disappears
(the I-front becomes R-type) for velocities v1/c1 > 3, as we
will see in the next section.

Figure 4 summarizes the main results found in this pa-
per with regard to the stability of the I-front. The points in
the figure show the ratio of the shell thickness to the size
of the I-front, �Rshell/RIF, as a function of v1/c1 for a large
set of simulations, as shown in the legend. We see that the
ratio becomes smaller, i.e., the shell becomes thinner, with
increasing v1/c1. The filled symbols refer to simulations in
which the shell is stable, while open symbols refer to simu-
lations with unstable shells.

The solid lines in the figure show �Rshell/RIF from the
analytical model described by Eq. (24) in Sec. 2.2, for sev-
eral values of TII, together with the arrows indicating the
values of vR, at which the thickness becomes zero accord-
ing to the model. For the moment, we focus on the curve
for TII = 6 ⇥ 10

4
K because the temperature inside the

HII region has approximately this value in the runs with
n1 = 10

5
cm

�3 and MBH = 10
2

M� (see Figure 3). With
the numerical factor set to ↵ = 0.5, the analytical curve
for TII = 4⇥10

4
K shows good agreement with the simulation

results for n1 = 10
5

cm
�3 and MBH = 10

2
M�. The agree-

ment is good also for all the other simulations in the figure,
justifying the validity of our analytical model, as well as the
choice of ↵ = 0.5. The analytical model predicts that the
thickness approaches zero as v1 approaches vR. In the runs
with n1 = 10

5
cm

�3 and MBH = 10
2

M�, however, the shell
becomes unstable before the velocity reaches vR, as indicated
by the open symbols.

We also investigate the dependence of shell thick-
ness on n1 and MBH, in addition to the dependence
on v1. We performed runs with various v1, assuming
(n1, MBH) = (10

4
cm

�3, 10
2

M�), (10
3

cm
�3, 10

2
M�), and

(10
3

cm
�3, 10

3
M�), and plot �Rshell/RIF of the stable D-type

flows in Figure 4. We see that �Rshell/RIF becomes smaller
when decreasing n1 or MBH. It appears that �Rshell/RIF is
proportional to the parameter combination MBH n1.

According to our model, the shell thickness depends on
parameters other than v1 only because of changes of the
sound speed inside the HII region, cII. We will show below
that cII depends on MBH n1, and that this dependence can
be attributed to changes in the temperature profile inside
the ionized region. In Fig. 5, we plot the upstream tem-
perature profiles along the axis of BH motion in the runs
with v1/c1 = 2 and di↵erent n1 and MBH. We normal-
ize the radius by the size of the I-front to directly compare
the temperature profiles. We see in Fig. 5 that the steep-
ness of the temperature rise inside the HII region has signif-
icant di↵erences among the runs. For the run with BH mass
MBH = 10

2
M� and n1 = 10

5
cm

�3, the temperature rapidly
reaches the almost constant value 5 – 6 ⇥ 10

4
K inside the

HII region, while the rise in temperature becomes slower
as n1 decreases. Therefore, in the lower-density case with
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Figure 8. BH growth with and without feedback. Shown are the redshift
evolution of the BH accretion rate, the temperature and density of the gas
in the immediate vicinity of the BH, as well as the resulting BH masses for
simulations BHN (black) and BHS (red). In the top panel, we also indicate
the corresponding Eddington-limited accretion rates for the two cases (dashed
lines).
(A color version of this figure is available in the online journal.)

the gas from cooling and hence accreting onto the BH. At this
stage, the accretion rate is only ṀBH ∼ 10−11 M⊙ yr−1, and the
corresponding accretion luminosity, assuming a 10% radiative
efficiency, is Lacc = ϵṀBHc2 ∼ 5.7 × 1033 erg s−1. This value
is seven orders of magnitude below the Eddington luminosity,
and BH growth and feedback are negligible in the beginning.
As the potential well of the host halo becomes deeper, however,
the amount of infalling gas increases with time, boosting the
accretion rate, especially at z ∼ 17–19, as can be seen in
Figure 8. Consequently, the accretion luminosity also becomes
large enough to influence the surrounding gas, keeping it at a
temperature that is an order of magnitude higher than in the
BHN comparison simulation.

The accretion rate in the BHN simulation is already compara-
ble to the Eddington value, depicted as dashed lines in Figure 8
(top panel), at z ∼ 15.5, while it is still an order of magni-
tude lower in the BHS case. Occasionally, star formation takes
place very close to the BH, e.g., ∼1 kpc away at z ∼ 14 (see
Figure 4). The radiative feedback from this event acts to com-
pound the heating effect from the BH accretion, thus rendering
the removal of gas out of the shallow potential well more effec-
tive. Such gas evacuation at z ∼ 14 due to both feedback effects
is clearly seen in Figure 6.

The combined stellar and BH radiative feedback results in
an accretion rate that is on average four orders of magnitude
below the Eddington value at z = 14–13. Even 300 Myr
after the formation of the BH, its mass has increased by only
1.5% in the BHS simulation, whereas there is a two orders
of magnitude growth in the BHN case. This indicates that the
feedback from a stellar-mass BH is sufficiently strong to prevent
significant growth, suggesting a very important constraint on
SMBH formation scenarios. We infer that the radiative feedback
from an accreting BH might be partly responsible for the low
density of quasars at redshifts z ∼ 6, by suppressing early BH
growth.

4. PROTOGALACTIC GAS PROPERTIES

In this section, we discuss the properties of the gas as it falls
into the center of the emerging galaxy at z ∼ 10. We compare the
situation for our different assumptions on the feedback acting
during the preceding assembly, including a discussion of the
complementary PISN case. This allows us to constrain the initial
conditions for the subsequent starburst inside the first galaxies,
a crucial input for predicting their observational signature.

4.1. Isolated Black Hole Case

In Figure 9, we compare the temperature, electron fraction, H2
fraction, and HD fraction of the primordial gas within the virial
radius of the first galaxy halo as a function of number density
for simulations BHN and BHS. We see that at low number
densities, nH = 10−3 − 1 cm−3, corresponding to the outskirts
of the host halo, for both the BHN and BHS simulations the gas
temperature is high, T ∼ 103–104 K, and the electron fraction is
enhanced, fe− = 10−2, due to the accumulated relic H ii regions
produced by previous star formation inside and outside of the
halo and due to heating in accretion shocks.

In the BHS run, additional heating from the BH allows the gas
within the halo to maintain a relatively high temperature over
the entire range of densities. There is a substantial difference
seen in the electron fraction: while varying over the large range
of fe− = 10−6 −1 in the BHN simulation, in the BHS case most
gas within the virial radius has electron fractions above !10−2,
and there is no gas present with fractions of <10−4. In response
to the substantially increased electron fraction, the formation of
H2 and HD is catalyzed, leading to molecule abundances that
are higher by two orders of magnitude compared to the BHN
run.

In the absence of feedback from a BH in simulation BHN,
the molecular hydrogen fraction converges to the well-known
asymptotic value of fH2 ∼ 10−3. This behavior reflects a
freeze-out process (Oh & Haiman 2002), where the molecular
hydrogen abundance no longer evolves once the recombination
and cooling timescales become less than the H2 formation
and dissociation timescales, trec, tcool ≪ tform, tdiss. Here, the
recombination time is trec ∼ 1/(αBnfe− ), and the H2 formation
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Jeon+ 2012

• A Pop III BH during first galaxy assembly

give realistic environments for seed BH growth
(density, temperature, relative velocity)

(Jeon+ 12)

q Cosmological simulations

• post-processed 15000 Pop III BHs at z > 10

(Smith+ 18)

Realistic accretion rate, more samples w/ feedback, to lower-z...

Large room for improvement

feedback is crucial for the BH growth

the largest mass increase is only 10%

w/ FB

w/o FB

• Simplified accretion models are widely used

not consistent??
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p Supermassive star formation in DC halos

p DC halos in cosmological simulations

the evolution in the accretion stage. The stellar evolution
calculations show that the stellar envelope inflates with such
rapid mass accretion (e.g., Omukai & Palla 2003; Hosokawa
et al. 2012). The stellar effective temperature is fixed nearly at
�5000 K in the so-called supergiant stage. As a result, the
emissivity of ionizing photons is greatly reduced (e.g.,
Hosokawa et al. 2013; Schleicher et al. 2013; Sakurai
et al. 2015). The radiative feedback will be too weak to halt

the mass accretion, so that the star finally accretes almost all the
infalling gas. The estimated mass from the infalling rate is
´ :M2 105 for S1 and ´ :M3 105 for S2.
We follow the collapse of the DC clouds until the central

density reaches -10 cm8 3. The angular momentum could arise
as a barrier against the collapse, potentially decelerating the
collapse to cause gravitational fragmentation. However,
numerical simulations show that the clouds do not have such

Figure 11. Same as Figure 5, but for four reference points for case S1 shown in Figure 9. There are six small clumps in epochs A and B that are merged into the DC
candidate halo in epochs C and D.
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Figure 8. Filament fragmentation occurring in the filamentary cloud. The arrows indicate where a star–disc system forms through such an event. In panel (b),
the white circles indicate the different spatial scales A and B presented in Fig. 3.

Figure 9. Evolution of (a) the stellar mass, (b) accretion rate, (c) disc mass, and (d) number of the protostars for the filamentary (green) and spherical (blue)
clouds. In panel (a), the solid and dashed lines represent the masses of the primary protostars and total stellar masses. The primary protostar is the one that is
first formed in the calculation. In panel (b), the horizontal dashed line shows the critical accretion rate, below which the star contracts to the ZAMS phase (see
Section 2.5). The accretion rate is averaged over 30 yr.

Figure 10. Mass evolution of all the protostars in the filamentary (left) and the spherical (right) clouds. The stellar merger events are marked with the vertical
jumps seen in some lines. Note that another line ends at the same point, representing the merger partner. The red line shows the mass evolution of the primary
protostar.

MNRAS 475, 4104–4121 (2018)Downloaded from https://academic.oup.com/mnras/article-abstract/475/3/4104/4803953
by Tohoku University user
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Direct-collapse supermassive star formation 4115

Figure 14. Spatial distributions of (a) hydrogen ionization degree, (b) temperature, and (c) density in the filamentary cloud at t = 38 kyr. The asterisks mark
the positions of the protostars. In panel (b), protostars that emit a copious amount of ionizing photons are marked with the white arrows and labelled as A, B,
and C.
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We calculate the radiative feedback from the accreting protostars
by adopting the simplified stellar evolution model (Section 2.5).
Fig. 14 shows (a) ionization degree, (b) temperature, and (c) den-
sity distributions in the filamentary cloud at t = 38 kyr. Here, the
ionization degree is defined as yH II/(yH II + yH II), where yi repre-
sents the abundance of the chemical species i. Three protostars are
emitting ionizing photons at this snapshot and we label them as pro-
tostars A, B, and C. Protostars A and B are ejected from the central
disc by three-body interaction and they create compact H II regions
around them whose size is ∼0.1 pc. Protostar C remains around the
centre of the disc. We can see ionization degree reaches 0.01–0.1
around protostar C. The temperature around UV emitting protostars
only rises by a factor of !2 than the surrounding neutral gas, since
the surrounding gas has already high temperature (Fig. 14b). Thus,
the ionizing radiation causes only minor effects on the protostar
evolution in our calculations.

In this section, we investigate the effect of the radiation feedback
in detail and discuss whether the radiation feedback prevents the
further mass accretion or not.

4.1 Limitation of the radiative transfer model

One can argue that the radiation feedback is inefficient because,
in a high-density region, we cannot resolve the initial Strömgren
radius (RSt), within which ionization and recombination balance.
The expansion of the ionized region is mainly driven by the thermal
pressure. In order to follow the expansion of the ionized region, we
need to first resolve the structure within RSt.

If the density (n̄) is uniform around the ionizing source, RSt can
be written as

RSt =
!

3LUV

4πn̄2αBEUV

"1/3

= 300 au
!

SUV

1053 s−1

"1/3 !
n̄

109 cm−3

"−2/3

, (14)

where αB is the case-B recombination coefficient, LUV is the ionizing
luminosity, EUV is the mean energy of the ionizing photons, and
SUV is the number of the emitted ionizing photons per unit time.
To resolve the initial RSt, the smoothing length of the SPH particles
(hsml) should be sufficiently smaller than RSt. The smoothing length

Figure 15. The ratio of the Strömgren radius RSt to the smoothing length
of the gas particles hsml as functions of the stellar mass. The different lines
represent the different densities of n = 107 (purple), 1010 (green), and
1013 cm−3 (cyan). The horizontal dashed line corresponds to a boundary
of RSt = hsml, above which the Strömgren radius is spatially resolved with
more than one smoothing length. When calculating hsml with equation (15),
different particle masses are used depending on the density, 1.6 M⊙ for
n = 107 cm−3, and 9.6 × 10−3 M⊙ for n = 1010 and 1013 cm−3, the same
values as used in the simulations (Section 2.3).

hsml is determined in the simulation as

Nneibmsph = 4πh3
sml

3
µmpn, (15)

where Nneib = 64 is the number of the neighbour SPH particles to
determine hsml, msph is the particle mass, µ is the mean molecular
weight, and n is the density of the gas particle. Equation (15) shows
that hsml decreases as we reduce msph. However, since our goal is to
follow the long-term evolution, we cannot reduce the particle mass
further.

Fig. 15 shows the ratios of RSt to hsml for different stellar masses
and ambient densities. Here, SUV is given by the result of Hosokawa
et al. (2013) considering the star is contracted to ZAMS. In the
dense region n " 1010 cm−3, RSt is smaller than hsml for the mass
range considered. Only in the region with n ! 107–108 cm−3, RSt
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• identify 2 DC halos where H2

formation is fully suppressed 
by UV irradiation

• strong UV field realized in close 
pair of host + satellite system

• confirm the formation of 
supermassive stars

• switch to RHD simulations 
to follow the subsequent 
star formation process
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• weak gas fragmentation into 
〜10 stars is also observed
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Figure C1. Left-hand panel: PDF of LW flux (measured in units of 10−21 erg s−1 Hz−1 cm−2 sr−1) permeating a collapsing halo with a virial temperature of
Tvir = 104 K for the fiducial model at z = 10. The open circles show the results from our Monte Carlo runs. The solid black line shows our analytic calculation
(equation C2), which assumes that the total LW flux is dominated by a single nearby source. The analytic solution provides a good match to the full calculation.
The blue dashed line/(red dot–dashed line) represents a model in which we ignore winds/(in which rs is increased by a factor of 2). This comparison shows
that the metals strongly affect the high-JLW tail of the distribution. The right-hand panel shows the cumulative fraction of collapsing clouds that see a boost x
in their LW flux compared to the background value J BG

LW . For example, this plot shows that in our fiducial model only ∼10−8 of all haloes ‘see’ a JLW that is
∼50 times J BG

LW , which corresponds to the minimum boost required to reach Jcrit (which is represented by the grey regions).

function in equation C2), and in which we increased the wind radius
by a factor of 2 (red dot–dashed line, i.e. in which rs → 2rs. This
comparison shows that metals affect the tail-end of the JLW-PDFs.

The right-hand panel of Fig. C1 shows the cumulative fraction
of collapsing clouds that see a boost x in their LW flux compared
to background value. From this we conclude that only ∼10−8 of all
haloes ‘see’ a JLW that is ∼50 times J BG

LW , which corresponds to the
boost that is required to reach Jcrit = 300 (represented by the grey
region in both panels).

C2 PAIR SEPARATION AND COMPANION MASS PDFs

Additional interesting PDFs can be computed from equation (C1),
e.g. the distribution of positions of the nearby dark matter halo for

gas clouds exposed to JLW > Jcrit. This probability is given by

dP (JLW > Jcrit)
d log r

= (ln 10)r

×
! ∞

mmin

dM
d2P

dM dr
P (LLW[M] > Lcrit[r]) × !(r − rm[m]),

(C3)

where Lcrit[r] = 16π2r2Jcrit, and where P(LLW[M] > Lcrit[r]) de-
notes the probability that a halo of mass M has ab LW luminosity
exceeding Lcrit[r]. Examples of these distributions are shown in the
left-hand panel of Fig. C2 for the fiducial model (i) at z = 10 as
black solid lines, and for model (iv, in which we ignore winds)
as blue dashed lines. This figure shows that accounting for metal

Figure C2. Left-hand panel: (right): probability distribution (normalized to peak probability) of the location (mass) of the nearby halo that is exposing a
collapsing gas cloud to a JLW > Jcrit = 300 at z = 10. The black solid lines represent fiducial model (i), while the blue dashed lines represent model (iv)
in which we ignore winds. In the fiducial model, collapsing gas clouds at z = 10 exposed to JLW > Jcrit = 300 have a nearby (r ! 30 kpc) ultraluminous
star-forming galaxy embedded in a dark matter halo of mass M ! 1012 M⊙ with absolute UV magnitude of MUV "−23 (as indicated by the upper horizontal
axis). If we ignore metals, then it is possible to meet the requirements for DCBHs in closer, fainter star-forming galaxies, which reside in less massive haloes.
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(KS, Omukai, Inoue 2014)

very rare

• =1000 for realistic spectra of Pop II galaxies

J21 = J12.4eV [10-21 erg cm-2 s-1 Hz-1 sr-1]

(Dijkstra, Ferrara & Mesinger 2014)

• is the minimum value of J21 needed for direct collapse

• distribution of J21 in halos from 
galaxy correlation function

• Jcr=1000 suggests the number 
density of DC halos is very low

n(DC halo) 〜1 cGpc-3

• may be even larger in 3D simulations (Shang+2010, Luo+2020) 
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Formation of massive black holes in rapidly growing 
pre-galactic gas clouds
John H. Wise1*, John A. Regan2, Brian W. O’Shea3,4, Michael L. Norman5,6, Turlough P. Downes2 & Hao Xu5,6,7

The origin of the supermassive black holes that inhabit the centres 
of massive galaxies remains unclear1,2. Direct-collapse black holes—
remnants of supermassive stars, with masses around 10,000 times 
that of the Sun—are ideal seed candidates3–6. However, their very 
existence and their formation environment in the early Universe 
are still under debate, and their supposed rarity makes modelling 
their formation difficult7,8. Models have shown that rapid collapse 
of pre-galactic gas (with a mass infall rate above some critical 
value) in metal-free haloes is a requirement for the formation  
of a protostellar core that will then form a supermassive star9,10. 
Here we report a radiation hydrodynamics simulation of early 
galaxy formation11,12 that produces metal-free haloes massive 
enough and with sufficiently high mass infall rates to form 
supermassive stars. We find that pre-galactic haloes and their 

associated gas clouds that are exposed to a Lyman–Werner intensity 
roughly three times the intensity of the background radiation  
and that undergo at least one period of rapid mass growth early 
in their evolution are ideal environments for the formation 
of supermassive stars. The rapid growth induces substantial 
dynamical heating13,14, amplifying the Lyman–Werner suppression 
that originates from a group of young galaxies 20 kiloparsecs 
away. Our results strongly indicate that the dynamics of structure 
formation, rather than a critical Lyman–Werner flux, is the main 
driver of the formation of massive black holes in the early Universe. 
We find that the seeds of massive black holes may be much more 
common than previously considered in overdense regions of the 
early Universe, with a co-moving number density up to 10−3 per 
cubic megaparsec.

1Center for Relativistic Astrophysics, School of Physics, Georgia Institute of Technology, Atlanta, GA, USA. 2Centre for Astrophysics and Relativity, School of Mathematical Sciences, Dublin City 
University, Dublin, Ireland. 3Department of Computational Mathematics, Science and Engineering, Michigan State University, East Lansing, MI, USA. 4Department of Physics and Astronomy, 
Michigan State University, East Lansing, MI, USA. 5Center for Astrophysics and Space Sciences, University of California, San Diego, CA, USA. 6San Diego Supercomputer Center, San Diego, CA, USA. 
7IBM, Poughkeepsie, NY, USA. *e-mail: jwise@gatech.edu
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Fig. 1 | Thermal and chemical evolution of the immediate pre-galactic 
environment. a–h, Projections of the temperature (orange), metallicity 
(blue; Z⊙ is the metallicity of the Sun) and gas density (black) of a region 
40 kpc across and with a depth of 8 kpc centred on the MMH (a–d) and 
the LWH (e–h). The MMH and LWH are indicated by arrows. The heated 
and metal-enriched volumes around early galaxies and population III stars 

grow from z = 18 to z = 15 (62 Myr). The dotted, dash-dotted, dashed 
and solid contours indicate where the average Lyman–Werner flux is 1J21, 
3J21, 10J21 and 30J21. Both candidate haloes, which host the formation of 
massive black holes, have 3J21, are just outside of the cosmological H ii 
region and are still unaffected by any external metal-rich winds.
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Gas accretion onto the star occurred sporad-
ically owing to the combined effect of the tem-
perature structure of the infalling gas and mass
accretion through the circumstellar disk, where
the gravitational torque dominated the angular
momentum transport (19, 20). The mass accre-
tion rate fluctuated around the critical value of
0:04 M⊙ year–1 for the first 300,000 years (Fig. 3B).

During the early phase, the star contracted and its
UV emissivity increased temporarily when the ac-
cretion rate fell below the critical value (Fig. 3, C
and D). However, gravitational fragmentation of
the cloud and subsequent merging of the frag-
ments caused accretion bursts, and the star quick-
ly recovered to have an extended envelope (21–23).
Because successive accretion bursts occurred at

short time intervals in the late accretion phase,
the stellar envelope remained extended because
there was insufficient time for it to contract.
The hydrogen molecules formed along the

dense filament (Fig. 1E) were dissociated by the
far-UV radiation emitted by the central star. A
bipolar ionized atomic hydrogen (H II) region
appeared temporally (red contour in Fig. 1F) due
to the increasing intensity of the stellar UV radi-
ation. The surrounding dense gas filament frag-
mented to yield a gas clump (Fig. 1G), but it did
not cool and contract further because it con-
tained few hydrogen molecules, and gradually
approached the central star, avoiding the bipolar
H II region. The clump finally reached the center
(Fig. 1H), activated an accretion burst (Fig. 3B)
onto the star, and weakened the radiative feedback.
After the protostellar mass reached ~10,000M⊙, it
evolved as a stable supergiant protostar without
radial contraction and continued growing steadily
up to 34,000M⊙. Run-A and Run-C also showed
the formation of massive primordial stars with
100,000 and 4400 the mass of the Sun at the
simulation end. Such very massive accreting stars
undergo direct collapse to produce equally mas-
sive BHs owing to the general relativistic in-
stability or exhaustion of nuclear fuel, depending
on the accretion rate (11, 24).
A 34,000 M⊙ BH formed at z = 30.5 must

grow at about 55% of the canonical Eddington
rate until z = 7.1 to acquire a mass of 2 × 109

M⊙, matching the estimated mass of the SMBH

Hirano et al., Science 357, 1375–1378 (2017) 29 September 2017 2 of 3

Fig. 1. Large-scale density distribution and the structure around an
accreting protostar. (A) Projected density distribution of dark-matter
component around the star-forming cloud at redshift z = 30.5 in Run-B.The
box size is 2500 pc on a side.The virial mass of the main dark-matter halo
located at the center is 2.2 × 107 M⊙. (B to D) Projected density distribution
of the gas component in regions of 2500, 500, 100, and 10 pc on a side, from
left to right.The horizontal arrow in (B) shows the direction of the initial

supersonic gas stream.The dashed circle in (D) indicates the Jeans length,
within which the cloud is gravitationally unstable given itsmass of 26,000M⊙.
(E toH) Evolution of the temperature and density structure in the protostellar
accretion phase after the protostar formation. Colored in white, red, and
magenta are the isocontours of gas density (at 106, 105, and 3 × 104 cm–3),
photoionized hydrogen abundance with ≥50% (H II region), and the number
fraction of hydrogen molecules with ≥0.2%.
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Fig. 2. Thermal evolution of the collapsing cloud.The red, blue, green, and black lines show our Run-
A, B, C, and Ref, respectively. In each run, the cloud became Jeans-unstable at the points marked by
the circles.The background colored regions are distinguished by themajor coolant: atomic hydrogen (H)
and molecular-hydrogen (H2). In all the cases, H2 cooling operated at densities greater than ~100 cm–3.
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• Nevertheless, massive stars 
preferentially grow to        
M > 104 Msun if Z < 10-4 Zsun

SMS via super competitive accretion 2855

log n [cm-3 ]
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10 -6 Z
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Figure 3. Density distribution around the primary sink particle for metallicities Z/Z⊙ = 10−6, 5 × 10−6, 10−4, and 10−3 (from top to bottom). The result
of the case with Z/Z⊙ = 10−5 is very similar to that of 10−4 and we do not present it here. Rows represent the time sequences at t = 0, i.e. the epoch of the
primary sink formation, 300, and 600 yr after that. Black circles represent massive sink particles with M∗ > 10 M⊙, while white ones those with lower mass
M∗ < 10 M⊙.

Fig. 5 represents the fractions of mass that the primary star ac-
quires through the following three ways: gas accretion (red), merger
with massive stars (M∗/M⊙ > 100: green), and merger with small
stars (M∗/M⊙ < 100: blue). We can see that the fraction of mass
acquired by merger (accretion) increases (decreases, respectively)
with metallicity. Note that merger with massive stars tends to be
caused by coalescence of tight binaries with the initial separation
of several 10 au when one or both of member star(s) accrete at high

rate and inflate in radii. This process is rather stochastic and has no
clear trend with metallicity.

The mass spectra of the stars surviving at the end of our
calculation (t = 104 yr) is presented in Fig. 6.

First let us see the top end of the mass spectra. In the case of
10−6 Z⊙, supermassive binary stars with ∼ 104 M⊙ are formed by
the DC. In slightly metal-enriched cases of 5 × 10−6, 10−5, and
10−4 Z⊙, we can still see the existence of supermassive stars with
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Figure 6. The mass distribution of the stars at t = 104 yr for the
metallicity Z/Z⊙ = 10−3, 10−4, 10−5, 5 × 10−6, and 10−6 from top to
bottom. Horizontal axis shows the number of stars in each bin, which has
logarithmically equal width of !log M∗ = 0.2. Arrows indicate the Jeans
mass at the temperature minimum. Dashed lines indicate the scaling with
∝ M−1

∗ .

protostars compete each other for their share of the surrounding
gas by the Bondi-like accretion. Since the mass spectrum at Z/Z⊙
= 10−3 is also similar to those at lower metallicity regardless of
the effect of metal-line cooling, we infer that this universal shape
originates from the dust-induced fragmentation. The fact that the
peak mass roughly corresponds to the Jeans mass at the temperature
minimum shown by arrows in Fig. 6, which slightly decreases with
increasing metallicity, indicates the validity of this interpretation.

4 D ISCUSSION

Our results show that the central stellar system efficiently acquires
mass and SMSs are likely to form when the metallicity is!10−4 Z⊙.
Here the gas preferentially accretes on to the most massive stars.
Even when fragments are produced by the dust cooling, they move
with the inflowing gas and finally merge with the central stars. For
this reason, the primary stellar mass growth is almost independent of
the cloud metallicity as long as the metal-line cooling has negligible
effect. This also explains why the mass growth rate due to the stellar
collision is much larger than those by the runaway collision inside
the dense star clusters, which is driven by the two-body relaxation
(e.g. Portegies Zwart et al. 2004; Sakurai et al. 2017; Reinoso et al.
2018). As our results indicate, the collision time-scale is an order of
the free-fall time, much shorter than that of the two-body relaxation.

Inflation of the stellar radius by accretion also promotes the stellar
merger and thus the stellar mass growth. According to equation (1),
the stellar radius becomes several 10 au at the initial 103 yr, which
exceeds the Jeans length, an order of a few au at the protostar
formation. Since a fragment formed in the disc tends to migrate to
an orbit about a Jeans length from the central star via the interaction
with the gas (Chon & Hosokawa 2019), most of the fragments
formed in the disc end up merging with the central star. This has
already been reported by Sakurai et al. (2016) in the case of SMS
formation in the primordial gas. Note that regardless of the stellar
inflation, we expect that most of the stars migrate along the gas flow
and merge with the central stars. The stellar inflation increases the
merger rates and makes the mass growth of the central star more
efficient.

A potential obstacle for stars to continue growing by accretion is
the radiative feedback, which has been omitted in our calculation.
In our simulations with Z/Z⊙ ! 10−4, where the primary stars are
expected to grow supermassive, they are always accreting the gas at
a rate "0.1 M⊙ yr−1. Stars with such a high accretion rate inflate in
radii and their surface temperature remains as low as several 1000 K.
Its UV emissivity would be too small to ionize the surrounding gas
(Hosokawa et al. 2012, 2013; Sakurai et al. 2015). The time-scale
for the Kelvin–Helmholtz contraction, tKH, is estimated as (e.g.
Schaller et al. 1992; Hosokawa, Yorke & Omukai 2010),

tKH ∼ 6 × 104 yr
!

M∗

10 M⊙

"−0.55

. (3)

This indicates that the ejected stars are still in the pre-main-sequence
phase and the radiative feedback is not significant during our
simulation.

We have terminated our calculation at 104 yr after the primary
star formation. The stars are still growing by accretion at the end of
calculation, and the stellar growth is expected to continue further.
To determine the final mass of the forming SMSs and their remnant
BHs, we need to follow the evolution for another million years,
until the stars collapse either by the post-Newtonian instability
or by exhausting the nuclear fuel. In the case of SMS formation
by DC in the primordial environment, long-term evolution has
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Figure 6. The mass distribution of the stars at t = 104 yr for the
metallicity Z/Z⊙ = 10−3, 10−4, 10−5, 5 × 10−6, and 10−6 from top to
bottom. Horizontal axis shows the number of stars in each bin, which has
logarithmically equal width of !log M∗ = 0.2. Arrows indicate the Jeans
mass at the temperature minimum. Dashed lines indicate the scaling with
∝ M−1

∗ .

protostars compete each other for their share of the surrounding
gas by the Bondi-like accretion. Since the mass spectrum at Z/Z⊙
= 10−3 is also similar to those at lower metallicity regardless of
the effect of metal-line cooling, we infer that this universal shape
originates from the dust-induced fragmentation. The fact that the
peak mass roughly corresponds to the Jeans mass at the temperature
minimum shown by arrows in Fig. 6, which slightly decreases with
increasing metallicity, indicates the validity of this interpretation.

4 D ISCUSSION

Our results show that the central stellar system efficiently acquires
mass and SMSs are likely to form when the metallicity is!10−4 Z⊙.
Here the gas preferentially accretes on to the most massive stars.
Even when fragments are produced by the dust cooling, they move
with the inflowing gas and finally merge with the central stars. For
this reason, the primary stellar mass growth is almost independent of
the cloud metallicity as long as the metal-line cooling has negligible
effect. This also explains why the mass growth rate due to the stellar
collision is much larger than those by the runaway collision inside
the dense star clusters, which is driven by the two-body relaxation
(e.g. Portegies Zwart et al. 2004; Sakurai et al. 2017; Reinoso et al.
2018). As our results indicate, the collision time-scale is an order of
the free-fall time, much shorter than that of the two-body relaxation.

Inflation of the stellar radius by accretion also promotes the stellar
merger and thus the stellar mass growth. According to equation (1),
the stellar radius becomes several 10 au at the initial 103 yr, which
exceeds the Jeans length, an order of a few au at the protostar
formation. Since a fragment formed in the disc tends to migrate to
an orbit about a Jeans length from the central star via the interaction
with the gas (Chon & Hosokawa 2019), most of the fragments
formed in the disc end up merging with the central star. This has
already been reported by Sakurai et al. (2016) in the case of SMS
formation in the primordial gas. Note that regardless of the stellar
inflation, we expect that most of the stars migrate along the gas flow
and merge with the central stars. The stellar inflation increases the
merger rates and makes the mass growth of the central star more
efficient.

A potential obstacle for stars to continue growing by accretion is
the radiative feedback, which has been omitted in our calculation.
In our simulations with Z/Z⊙ ! 10−4, where the primary stars are
expected to grow supermassive, they are always accreting the gas at
a rate "0.1 M⊙ yr−1. Stars with such a high accretion rate inflate in
radii and their surface temperature remains as low as several 1000 K.
Its UV emissivity would be too small to ionize the surrounding gas
(Hosokawa et al. 2012, 2013; Sakurai et al. 2015). The time-scale
for the Kelvin–Helmholtz contraction, tKH, is estimated as (e.g.
Schaller et al. 1992; Hosokawa, Yorke & Omukai 2010),

tKH ∼ 6 × 104 yr
!

M∗

10 M⊙

"−0.55

. (3)

This indicates that the ejected stars are still in the pre-main-sequence
phase and the radiative feedback is not significant during our
simulation.

We have terminated our calculation at 104 yr after the primary
star formation. The stars are still growing by accretion at the end of
calculation, and the stellar growth is expected to continue further.
To determine the final mass of the forming SMSs and their remnant
BHs, we need to follow the evolution for another million years,
until the stars collapse either by the post-Newtonian instability
or by exhausting the nuclear fuel. In the case of SMS formation
by DC in the primordial environment, long-term evolution has
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Figure 6. The mass distribution of the stars at t = 104 yr for the
metallicity Z/Z⊙ = 10−3, 10−4, 10−5, 5 × 10−6, and 10−6 from top to
bottom. Horizontal axis shows the number of stars in each bin, which has
logarithmically equal width of !log M∗ = 0.2. Arrows indicate the Jeans
mass at the temperature minimum. Dashed lines indicate the scaling with
∝ M−1

∗ .

protostars compete each other for their share of the surrounding
gas by the Bondi-like accretion. Since the mass spectrum at Z/Z⊙
= 10−3 is also similar to those at lower metallicity regardless of
the effect of metal-line cooling, we infer that this universal shape
originates from the dust-induced fragmentation. The fact that the
peak mass roughly corresponds to the Jeans mass at the temperature
minimum shown by arrows in Fig. 6, which slightly decreases with
increasing metallicity, indicates the validity of this interpretation.

4 D ISCUSSION

Our results show that the central stellar system efficiently acquires
mass and SMSs are likely to form when the metallicity is!10−4 Z⊙.
Here the gas preferentially accretes on to the most massive stars.
Even when fragments are produced by the dust cooling, they move
with the inflowing gas and finally merge with the central stars. For
this reason, the primary stellar mass growth is almost independent of
the cloud metallicity as long as the metal-line cooling has negligible
effect. This also explains why the mass growth rate due to the stellar
collision is much larger than those by the runaway collision inside
the dense star clusters, which is driven by the two-body relaxation
(e.g. Portegies Zwart et al. 2004; Sakurai et al. 2017; Reinoso et al.
2018). As our results indicate, the collision time-scale is an order of
the free-fall time, much shorter than that of the two-body relaxation.

Inflation of the stellar radius by accretion also promotes the stellar
merger and thus the stellar mass growth. According to equation (1),
the stellar radius becomes several 10 au at the initial 103 yr, which
exceeds the Jeans length, an order of a few au at the protostar
formation. Since a fragment formed in the disc tends to migrate to
an orbit about a Jeans length from the central star via the interaction
with the gas (Chon & Hosokawa 2019), most of the fragments
formed in the disc end up merging with the central star. This has
already been reported by Sakurai et al. (2016) in the case of SMS
formation in the primordial gas. Note that regardless of the stellar
inflation, we expect that most of the stars migrate along the gas flow
and merge with the central stars. The stellar inflation increases the
merger rates and makes the mass growth of the central star more
efficient.

A potential obstacle for stars to continue growing by accretion is
the radiative feedback, which has been omitted in our calculation.
In our simulations with Z/Z⊙ ! 10−4, where the primary stars are
expected to grow supermassive, they are always accreting the gas at
a rate "0.1 M⊙ yr−1. Stars with such a high accretion rate inflate in
radii and their surface temperature remains as low as several 1000 K.
Its UV emissivity would be too small to ionize the surrounding gas
(Hosokawa et al. 2012, 2013; Sakurai et al. 2015). The time-scale
for the Kelvin–Helmholtz contraction, tKH, is estimated as (e.g.
Schaller et al. 1992; Hosokawa, Yorke & Omukai 2010),

tKH ∼ 6 × 104 yr
!

M∗

10 M⊙

"−0.55

. (3)

This indicates that the ejected stars are still in the pre-main-sequence
phase and the radiative feedback is not significant during our
simulation.

We have terminated our calculation at 104 yr after the primary
star formation. The stars are still growing by accretion at the end of
calculation, and the stellar growth is expected to continue further.
To determine the final mass of the forming SMSs and their remnant
BHs, we need to follow the evolution for another million years,
until the stars collapse either by the post-Newtonian instability
or by exhausting the nuclear fuel. In the case of SMS formation
by DC in the primordial environment, long-term evolution has
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• Full dissociation of H2 during 
collapse may not be necessary

• Gas fragmentation induced 
by dust cooling lead to 
formation of N>1000 stars

Z = 10-4 Zsun
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After the initial stage:
BH growth from 105Msun to 109Msun
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The Astrophysical Journal Letters, 745:L29 (5pp), 2012 February 1 Di Matteo et al.

Figure 3. Black hole mass and the accretion rate vs. redshift are shown in the top and bottom panels on the left. The corresponding Eddington rates are shown by the
dashed lines. The corresponding mean gas densities and temperatures of the gas prior to accretion are shown on the right. (Black, red, and gray are the objects shown
in Figure 2—top to bottom, respectively.) Shaded orange band indicates the full range of properties encompassed by the most massive black holes. The inset shows
an example of BH mergers onto the main (red) progenitor.
(A color version of this figure is available in the online journal.)

visible an expanding “bubble” (emerging from about z ∼ 6.5–7)
of hot gas (red colors) around the central quasars (whose
positions are indicated by green circles). This bubble created
by the BH feedback is more or less confined within the halo
(the virial radius of the halo is shown by the blue circles in
Figure 2) for z ! 6. Below this redshift, and rather abruptly,
the energy released by the quasars heats and expels the gas
as a wind well beyond the halo. Black hole growth has now
become self-regulated (see also Figure 3, accretion levels off
below Eddington). Although the effects of quasar feedback in
our model have been studied in detail previously (Di Matteo
et al. 2005, 2008) what is remarkable here is that even though
feedback energy consistently heats the gas within and eventually
beyond the scale of halos, it does not do much to the streams
of inflowing cold gas. The streams get somewhat (albeit not
completely) disrupted only at z ! 6. Before this happens billion
solar mass black holes are already assembled (see Figure 3), a
process that takes a few hundred million years.

Sustained phases of Eddington accretion onto these black
holes start as early as z ∼ 9–10 and go on uninterrupted until
z ∼ 6–7, leading to BH masses of the order of 109 M⊙ in the
first massive halos of roughly Mhalo ∼ 1012 M⊙ at z ∼ 6–7
(rare 3σ–4σ peaks of the density distribution). We have indeed
a few objects (the range of the 10 most massive is shown by the
orange areas in Figure 3) that reach these high masses already at
z ∼ 7 consistent with Mortlock et al. (2011). Interestingly, this
process of BH assembly is apparently facilitated by the “cold
flows” picture of galaxy formation below and at the threshold
dark matter mass of Mhalo ∼ 1012 M⊙ (Dekel & Birnboim 2006;
Dekel et al. 2009; Kereš et al. 2005, 2009). With MassiveBlack
we are able to trace the formation of the first, rare massive halos,
those which are mostly assembled by high density (high redshift)
cold streams (Dekel et al. 2009). We find that these same streams
easily penetrate all the way into central regions of galaxies even
in the presence of strong feedback. We find however that once
Mhalo ∼ 1012 M⊙ and halos enter the so-called shock-heated
regime (Dekel et al. 2009) the BH growth levels off as it becomes
finally self-regulated (Figure 3). The temperature (average over
the two-phase ISM) of the accreting gas also is raised well above

the virial temperature, Tvir ∼ 107 K, rendering some of the gas
unbound (Figure 3). Black hole masses level off at a few 109 M⊙
(Figure 3). Even though at z < 6 in massive halos the outflows
clearly affect the incoming gas if they do not fully disrupt the
cold flows.

We note that the black holes occupying these rare massive
halos hardly undergo any major mergers, indicating that their
hosts are not undergoing major galaxy mergers (even though
minor mergers of subhalos/clumps are however common). In
the inset in Figure 3 we show the histories of all black holes
that merge into the main progenitor BH shown in red, which
is typical of what we see: a few minor mergers occur. At the
redshifts relevant for the first quasars, major mergers are still
extremely rare events and halos have not yet assembled above
their shock-heating scale (Dekel et al. 2009), so that quasars are
fueled directly by cold streams/flows.

To illustrate the origin of the gas growing the first quasars we
track in the simulation the temperature history of particles that
end up being accreted onto the BH. Figure 4 shows one example
of the temperature as a function of proper radius of particles that
at z = 6, 7 (circles and squares, respectively) have participated
in BH accretion. We choose these two redshifts to track particles
from because they are at the peak of the accretion rate (z = 7)
and below it (z = 6; for the object shown in the middle panel
of Figure 2 and shown as in red in Figure 3). In this plot, all the
particles’ positions are tracked back all the way to z = 8.5 so
to show their temperature evolution as they enter the halo and
travel within the BH smoothing length.

The plot shows that the great majority of particles that
participate in the black hole growth enter cold (Tgas ∼ 104 K)
and remain below Tgas ∼ 105.5–6 K well into the tens of kpc
region just as predicted for gas participating in cold flows by
Dekel & Birnboim (2006) and Kereš et al. (2005). In the shock-
heated regime the temperature of the gas would rise as it enters
the halo. At the smallest scales the gas (particles in the two-phase
medium are included) is significantly heated by the black hole
feedback. This is consistent with what shown in the mean (over
the two-phase ISM) temperature of the gas prior to accreting
onto the BH in Figure 3.

4

qQuasar formation in cosmological simulations (Di Matteo+ 2012)

The Astrophysical Journal Letters, 745:L29 (5pp), 2012 February 1 Di Matteo et al.

Figure 1. Projected gas density over the whole volume (“unwrapped” into two-dimensional) is shown in the large scale image at z = 5. The two overlaid panels show
successive zoom-ins by a factor of 10, centered on the region of the most massive BH. The dark color at high densities represents star-forming gas (Feng et al. 2011).
(A color version of this figure is available in the online journal.)

Figure 2. Projected gas distribution color coded by temperature around three example quasars (one in each row) across five different redshifts (labeled on each of the
five panels; left to right). The projected density ranges from ∼10−2 to ∼102 h M⊙ pc−2 and the temperature from ∼104 (blue colors) to 108 K (red colors). The quasar
positions are indicated by the green circles and the virial radius of the halo by the blue circles. The white points in the bottom panel show particles that are eventually
accreted onto the BH at z = 5, 6.
(A color version of this figure is available in the online journal.)

3

• seed BHs grow to quasars before z=6 by roughly continuous 
Eddington accretion due to cold gas inflows to the center

• introduce 105Msun seed BHs to each halo and keep them 
at the bottom of halo’s gravitational potential
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(cf. discussion in KS+ 18)

qwandering BH vs. central BH

qDynamical friction timescale
credit: NASA

central BH

wandering BH• wandering BH accretes gas in ISM while it 
moves around the galaxy (active)

• central BH accretes gas supplied to the 
center by galactic-scale processes (passive)

(Binney&Tremain 1987)

largely different processes!
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• wondering BHs sink to the galactic center on this timescale

M*: stellar mass at R < RBH
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• higher-mass BHs tend to be central BHs due to shorter tDF

(transition at MBH〜105Msun?)
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- growth time scale by Bondi accretion with normal ISM density of 1cm-3

• Much more time is available for low-z SMBHs to grow to 
their observed masses compared with high-z SMBHs at z > 6

• However, most of light seed BHs are likely not to grow 
at all even for the cosmic age of 13.8 Gyr

• Therefore, the formation of 105 Msun BHs is a problem 
not only for high-z SMBHs but also for low-z SMBHs
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Summary

41• Forming 105 Msun BHs is the first but difficult milestone toward SMBHs 

• Both scenarios survive:

Scenario
Light seed

(〜102 -103 Msun)
Pop III/Pop II cluster

Heavy seed
(〜105 Msun)

Direct collapse

Seed formation
○

on-going
but seems OK

?
on-going

Early growth
(up to 105 Msun)

?
on-going

◎
OK by definition

- no strong reason to deny super-Eddington growth

- cosmological simulations suggest formation of DCBHs


